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ABSTRACT

Using a state-of-the-art cosmological simulation of meggproto-galaxies at high red-
shift from the FIRE project, with explicit treatments of star formation andllarefeedback
in the interstellar medium, we investigate the formatiorstair clusters and examine one of
the formation hypothesis of present-day metal-poor glabalusters. We nd that frequent
mergers in high-redshift proto-galaxies could provideréileeenvironment to produce long-
lasting bound star clusters. The violent merger event distthe gravitational potential and
pushes a large gas mass8fl0° ®M collectively to high density, at which point it rapidly
turns into stars before stellar feedback can stop star fimmarhe high dynamic range of
the reported simulation is critical in realizing such destsg-forming clouds with a small dy-
namical timescaldg . 3 Myr, shorter than most stellar feedback timescales. Quulsition
then allows us to trace how clusters could become virialasditightly-bound to survive for
up to 420 Myr till the end of the simulation. Because the clustéghtly-bound core was
formed in one short burst, and the nearby older stars ofigigeouped with the cluster tend
to be preferentially removed, at the end of the simulatiendluster has a small age spread.

Key words: galaxies: formation — galaxies: star clusters — globulastelrs: general — stars:
formation — galaxies: kinematics and dynamics — cosmoltdtwgory — methods: numerical

1 INTRODUCTION ment, with galaxies with higher star formation activity buas star-
Bv the int i f it d b biest bursts having highe®s than local spiral and dwarf galaxies (e.g.,
y the Inleraction ot gravity and pressure, gas becomesa Kruijssen 2012; Adamo & Bastian 2015). Simulations of an iso

2; c:scl?o"r?r?'sr?fctlost?er:]elc;]:‘gssrt]?c:;’ Ok.)fﬁ ;\é?nt'gr;?!év;’; kr}caﬁlmzhazzte lated star clusters in an idealized setup have a long histadycan
' u lon’, wi ey now resolve the formation of individual stars (for recentiess,

in dense molecular clouds & 10*M and others in relatively see Kruijssen 2013 and Dale 2015). However, they cannotdx us

Ié)ose astsotm?tl; gfo(fo_rrquev;ewstj seefP(t:)rtegtlﬁst?wart.Efl);%and to study the formation of a dense environment in a galactiteod,
resserteta. ). The fraction of stars that form in oS- in which those star clusters spawn. It is also dif cult toliag this

ters, often referred to &, is affected by the host galaxy environ- type of calculations in studying how bound versus unboumad st
clusters form, and how they evolve and survive in a galactid-e
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ronment. A high-resolution, galaxy-wide simulation isuiqd to
address these questions.

However, star clusters have rarely been simulated in ati@alac
context, with numerical accuracy high enough to resolvé the
namical evolution. Note that in most previous galaxy sirtiafes
the mass of each resolution element approximately equatbst
of a star cluster. Only after we reach a mass resolution b#® M
can we begin to reliably resolve the kinematics amongst teem
ber star particles of a massivel0® 8M cluster in a galaxy-scale
simulation®:2 It is also required that realistic physics models be in
place which describe star formation and stellar feedbackueh
high resolution. Most previous galaxy-scale simulaticacklsuch
sophisticated physics models.

Recently, however, this is becoming increasingly possilitle
modern cosmological simulations. In this paper, we use Isitions
from theFIRE project (Feedback In Realistic Environmentdop-
kins et al. 2014 to study how star clusters form and evolve in high-
redshift merging proto-galaxies. This has been proposetittW
more & Schweizer 1995; Schweizer et al. 1996; Schweizer 2006
as a formation channel for the present-day old, metal-pblre”
globular clusters (GCs) which tend to be distributed thrmug the
galactic halo (as opposed to metal-rich “red” GCs which ateél
mostly in galactic bulges). For reviews of their propertes var-
ious hypotheses of their origin, see Peebles & Dicke (1968}
ris & Racine (1979); Fall & Rees (1985); Harris (2001); Bodi
Strader (2006). Our investigation is complementary to otbeent
studies which have explored alternative GC formation sdesa
for example, in binary merging galaxies at low redshift (eld
et al. 2004; Bournaud et al. 2008; Kruijssen et al. 2011, 2&E2
naud et al. 2015; Maji et al. 2017), or in primordial mini-bslat
redshiftz& 10 (e.g., Kimm et al. 2016; Ricotti et al. 2016).

Speci cally, we carry out an investigation using a cosmalog
cal “zoom-in” simulation from Ma et al. (2015) at 6, with pc-
scale resolution, run with thEIRE physics that includes star for-
mationonlyin dense, self-gravitating gas and stellar feedback from
supernovae (SNe), stellar winds, photoionization andq#iettric
heating, and radiation pressure. Our setup allows us taogkpl
follow the formation and evolution of at least the most massi
star clusters. We show that, in the simulation, most stams fio
unbound associations but some form in resolved, boundethist
Frequent mergers in high-redshift proto-galaxies prowdertile
environment to produce the latter population by pushingdayas
masses& 10° M ) collectively to high density, at which point it
turns into stars before stellar feedback can disrupt thedsloWe
explore subsequent dynamical evolution, virializatiomd ¢he age
and metallicity spreads of the resulting clusters.

The remainder of this article is organized as follows. In-Sec
tion 2 we detail the simulation code and methods. Section 3
presents results of the simulation focusing on the formagnd
evolution of bound clusters. Finally in Section 4 we sumzegur
ndings and conclusions.

1 We caution that even a simulation with 10°M resolution cannot re-
produce the phase-space adtual starsin a cluster. See Section 3.3 for
more discussion on numerical resolution and the “intratelti evolution.
2 Readers should also note that the target cluster mass H® M
which even the highest-resolution simulations aim to nesd still close
to the massive end of the cluster mass function (that coadhras low as
10?7 2M ; Larsen 2009; Portegies Zwart et al. 2010; Kruijssen 2014).
3 The website is http:// re.northwestern.edul.

2 METHODOLOGY

The simulation studied in this work is one of a suite of high-
resolution cosmological simulations at high redshift frimaFIRE
project, and is presented and described in detail in Ma et al.
(2015,z5m10hrun therein). We brie y review its important fea-
tures for completeness. The simulation was run using ttevG
code (Hopkins 2018)which solves gravity using a tree-particle
mesh (TreePM) method with fully adaptive gravitationaltent
ings (scaled to the inter-particle separation), and sotkieshy-
drodynamics using the Lagrangian “pressure-energysgr)-for-
mulation of smoothed particle hydrodynamics with varioos i
provements to alleviate known issues with uid mixing anaeck-
capturing in older SPH formulations (see Hopkins 2013; Hiopk
et al. 2014). The simulation follows a high-resolution Laggian
region around a “target halo” of virial mass 101°M (stellar
mass of the “target galaxy” 47 10’M )atz 6, with xed
mass resolution 806 ™M and minimum force resolution 1.4
h 1pc (proper) for gas (and xed to 14 1pc for star particles).
This resolution is high enough to resolve the dynamics betwe
member particles of a relatively massive star cluster stlidi this
paper (but see also footnote 1). At 5 of the original Ma et al.
(2015) simulation, we identify a group of long-lasting bdurius-
ters, one of which we hereafter call the cluster “A’ (see Fégu
1-3). We speci cally re-ran the interval from= 7 to z= 5 of
the original simulation to generate more snapshots at nesri
vals during 80 Myr before and after the cluster “A” formed, in
order to study when, where and how the cluster fofms.

Baryonic physics is treated using tHERE-1 model, de-
scribed in detail in Hopkins et al. (2014). Brie y, radiagiheating
and cooling in 10 100 K take into account molecular, atomic,
ionized, and metal-line processes (with 11 independérdigked
species), and includes photoheating by local sources atsthife
dependent ultraviolet background (Faucher-Giguere e2@D9),
and self-shielding. Star formation occurs via spawningarf garti-
clesonlyfrom gas which meets a series of criteria: it must be locally
self-gravitating and Jeans-unstable according to a sirticfgcri-
terion (including both thermal and turbulent support; sepkins
et al. 2013), molecular (following Krumholz & Gnedin 201and
denser than a star formation thresholg = 500 cm 3.8 A new
star particle inherits the mass, metallicity, gravitatibeoftening
length, and particle ID number from its progenitor gas eti
Once a star particle forms, the simulation explicitly traékedback
from (1) local and long-range radiation pressure (inclgdiimgle-
scattering and multiple-scattering of re-radiated irddaphotons),
(2) energy, momentum, mass and metal injection from SNed3yp
la and Il) and stellar mass-loss (OB and AGB-star winds), @)d
photoionization and photoelectric heating. The rates &hechan-
nel are calculated as a function of the stars' age and matglli
using a stellar population synthesis modalASBURSTI9 (Lei-

4 The website is http://www.tapir.caltech.edwhopkins/Site/GIZMO.html.
5 For the original Ma et al. (2015), 31 snapshots were prodatddter-
vals coarsely spaced between 7 andz= 5; thatis,Dz= 0:1 Dtoys 17
Myr) for 6 < z< 7, andDz = 0:05 Dtoyt 13 Myr) for 5< z< 6. For
the presented re-run, we output 76 snapshots at intervaks mely spaced
betweerz = 7 andz= 5, especially around the time of the cluster “A” for-
mation; that isDz= 0:01 Dtoyt 1:6 Myr) for 6:5< z< 7,Dz= 0:1 for
6< z< 6:5, andDz= 0:05 for 5< z< 6.

6 Note that Ma et al. (2015) mistakenly statagl = 1000 cm 3 for the
z5m10trun. The correct value is 1008' 500 cm 3.
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therer et al. 1999) assuming the Kroupa (2002) initial masstfon
(IMF).

For more details on how each item above is implemented, we

refer the interested readers to Section 2 of Hopkins et alLZp,
and Section 3 and Appendix A of Hopkins et al. (2014). A se-
ries of FIRE simulations using cosmological and isolated initial
conditions have reported reasonable star formation lgstostel-
lar mass-halo mass relation, Kennicutt-Schmidt relatldopkins

et al. 2014), mass-metallicity relation (Ma et al. 2016) tiphase
interstellar medium (ISM; Hopkins et al. 2011), galactid¢ ows
(Muratov et al. 2015), dense neutral hydrogen content ciagial
halos (Faucher-Giguere et al. 2015, 2016), galaxy strastand
metallicity gradients (Ma et al. 2017), among others. Thstse-
ies validate the “realistic” baryonic physics we adopt ie fliesent
study.

3 RESULTS

We start by giving an overview of the simulation result anel tivo
distinct populations of star clusters. Then we discussahaétion,
evolution, and composition of long-lived bound star cluste

3.1 Overview of Simulation Results: From The Host Galaxy
To The Target Cluster

Figure 1 shows the= 5 snapshot of the target galaxy and the star
cluster of interest studied in the present paper (clusted&ned

in Section 2). Images are rendered as in the way describedpn H
kins et al. (2005, 2014). In the left panel, molecular clowtne
plexes in cold laments in the upper side of the panel indidatsh
ows of dense gas that has not turned into stars yet. The dghel
shows multiple star clusters of masses ranging fromta@.0’ M
scattered around the galaxy. Each of these clusters arenityaiéy
resolved with 18  10® star particles within 10 10? pc half-mass
radii (Figure 4). Among them, marked with a white circle ofiites
300 pc is the cluster “A” that forms at= 6:92 and survives 420
Myr afterwards.

Figure 2 reveals the movement of the cluster “A’ through-
out its host galaxy:® The second column captures the moment
right before most star particles in the cluster “A’ form (redung
star particles inside the black circle) during a major pigataxy
merger. After the cluster forms, it moves to an orbit with Bre
tively large radius, piercing through the galactic nuclats= 6:30
(fth column), but later reaching far out into the extendealagtic
halo atz= 5:15 (sixth column).

To closely inspect the formation site of the cluster “A’, iigF
ure 3 we zoom in on the 2 kpc 2 kpc region around the cluster
“A’. Before the cluster “A” forms, we see a dense gas clumprfor
ing in a galactic merger event ( rst and second columns; iBect
3.4). This ef ciently forms new star particles in a short &nwhich

7 In all subsequent analyses we utilize tte toolkit (Turk et al. 2011,
http://www.yt-project.org/, changeset d7f213el1752egpde-independent
analysis platform adopted by tW&ORAInitiative (Kim et al. 2014, 2016).
To visualize uid quantities such as gas density in Figure3 &e em-
ploy yt 's in-memory octree to which gas particles are assigned oatey
step using the particles' hydrodynamic smoothing kerngls garameters
n_ref = 4 andover _refine _factor = 2).

8 We refer the readers to Section 3.2 for how star clustersidinf) the
cluster “A” are identi ed with ROCKSTAR, and to Section 3.4 for exactly
how the cluster's “formation time” is de ned.
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Figure 1. Snapshots of the target galaxyzat 5, and the star cluster of
interest (cluster “A") studied heréeft: gas surface density in a 6 kpc box
(proper) centered on the target galaxy, where the brightmelcates pro-
jected gas density in a logarithmic scale and the colors dsatifferent
temperature ranges (e.g., magenta/white shbws10® K cold molecular
gas, green 1< T < 10° K warm ionized gas)Right: mockugr-composite
of stars in the same 6 kpc box. Most stars are distributedfinsgi form,
but several dense clusters are visually obvious within #iaxy, including
the cluster “A” fwhite circle).

then violently disperse the gas via stellar feedback, bl aft
ter a large number of star particles have formed (third anuditffio
columns). Later, we see the cluster pass through the cehtbe o
host galaxy, triggering a mass loss of the cluster ( fth coiy Sec-
tion 3.3).

3.2 Two Populations of Star Clusters

We now examine the population of star clusters formed in oor s
ulation betweerz= 7 andz= 5. To identify star clusters in the sim-
ulated galaxy, we utilize the 6-dimensional phase-spake hder
RocksTAR(Behroozi et al. 2013)modi ed to run on star particles
instead of dark matter particlé8.To ensure that the identi ed star
clusters are dynamically resolved and are not numericdbets,
we only consider clusters with more than 100 member pasti@e
> 874 10*M ). We then directly extract the stellar masé,,
and spherical half-mass radiu®,, of each clustet!

In Figure 4 we plot theMy R, relation of all star clusters
identi ed in 76 snapshots nely spaced betweer 7 andz= 5.
We plot only those that survived at least one output intefed.,
Dtout 1.6 Myr at 65< z< 7; see footnote 5). In other words, we
plot clusters that were found in two or more snapshots toiedte
spurious transient associations. Each data point is thiemezbby
the fraction of member particle masses that are bound toltise ¢
ter, i.e., bound mass fractidigq derived from the standardd<k-
STAR output (but see footnote 11). Additionally, four star carst
of mass above ®P M  that survived more than 300 Myr are anno-
tated with blue circles. Thedeng-lasting, bound star clusteexe

° The website is https://bitbucket.org/gfcstanford/raakis

10 For RocksTARto work with its embeddingt , we assume that all star
particles have a constant mass, 874,Mhe mean of all star particles. In
practice, the actual mass difference is less than a few fgpercent.

11 M is computed by summing up the real masses of member payticles
not the constant masses we assumed foCiRSTAR. M is thus slightly
different from the group masé,;.¢ found in the standard ®&kSTAROUt-

put. Clusters are not necessarily a relaxed structurehbutto masses are
different by less than a few tens of percent particularlyoitibd (justifying

our use ofMyj. ¢ to calculate the bound mass fractiéyy).
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Figure 2. Distribution of star particles in a 6 kpc box (proper), evotyin time fromz= 6:97 (left) to z= 5:15 (right). Young star particles that are less than
5 Myr old are coloreded, while the rest of the star particles are colot#de The gray background features the density-weighted piojeof gas density.
Marked with ablack circleof radius 300 pc in each panel is the star cluster “A” (or itas'gprogenitor” in the rst and second panels) with an arrodidating
the direction of its movement. The 2 kpc2 kpc square around the cluster corresponds to the regiamnsimoFigure 3. Shown in the bottom right in each
panel is the timestamp where 0 Myr corresponds to the morhemiaster “A” forms. Cluster “A” forms in a proto-galaxy ueidjoing multiple rapid mergers.

g
cm®

Density (

T= 366 Myr

g
cm®

Density (

Mach Number

Figure 3. Top: Same as Figure 2 but in a 2 kpc box (proper) always centeretieooluster “A” (or its gas progenitor in the rst and secondurons from
the left), evolving in time fromz = 6:97 (left) to z= 5:15 (right). This is a zoomed-in version of Figure 2 (the square regiorthé same style. Alack
circle of radius 300 pc is centered on the cluster member parti®leklle: gas surface density in the same regiBottom:density-weighted projection of gas
Mach number. An extremely dense cloud forms in a MachOO convergent ow (second column), then rapidly turns istars within a couple of Myr. The
remaining gas is expelled over the nexé 10 Myr, leaving behind a dense, bound star cluster whichigisras long as we run the simulation420 Myr).

identi ed at z= 5 by considering the masdd.|, bound mass frac- fraction of the clusters congregate aromg 10°0 55M and
tion fpg, and lineage information (see Section 3.3). These clusters R, 10 Z5pc, giving mean stellar densities, de ned &g

are grouped with few gas particles and almost no dark madteir p 3Mc|=(8pF<ﬁ), of 10 2M pc 3. The majority of these clus-
cles, thus not associated with dark matter over-densitigalactic ters are loose “unbound associations” with Idyy. These asso-
subhalos. Among them, the cluster “A’, studied extensivedye, ciations, according to our lineage tree analysis (Secti8j 8ften
is marked with a thicker blue circle at= 5. The force resolution dissolve into an extended stellar disk or bulge in 180 Myr by
of the simulation is well below thg-axis range (see Section 2), rapidly losing their unbound member particles. This bebwig ex-

indicating that clusters shown here are not affected byefeaften- pected since most of the unbound associations inherit tpepiies
ing, although they may of course be affected by the nite ighat of normal molecular clouds that are only marginally gravitation-
number (i.e., mass resolution). ally bound after turning just a few percent of the cloud mas i

. . . . stars. Indeed, their observational counterparts such aggsécia-
In this gure various features are prominent. First, a large

¢ 2017 RAS, MNRASD0Q, 1-14
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Figure 4. Cluster massaVi.;, versus half-mass radiuRy, for all star clusters identi ed by RCkSTARIn all 76 snapshots nely spaced between 7 andz= 5,

that survived at least one output interval (eRfout

1:6 Myr at 65< z< 7; see footnote 5). Each data point is colored by the fracifomember particle

masses that are bound to the cluster cerftgr, The cluster “A” from Figures 1-3 is marked withthick blue circleat z= 5. Three othethin blue circles
indicate the other long-lasting bound clusters identi ¢d¢=a 5. For references, the thin dotted diagonal lines denotsltipe of constant stellar density, while
the thick dashed diagonal line marks the star formationstiokel density, 500 cn® or 12 M pc 3. The thick dashed vertical line represents the threshold
mass to be identi ed as a star cluster78 10* M . Most of the objects are young, loose associations withesténsities 10 2M pc 3 and little bound
mass (upper left corner). The few low-density associatwitis high bound mass fraction represent systems with a boareland a loosely-bound “envelope”
(upper right corner). They rapidly evolve to become moresdetiusters (blue circles; see Figure 7 for more informatfiat zooms in on the gray dashed

rectangular region).

tions tend to drift apart in & 10 Myr timescale. Readers should
note that the density of a cluster/association (or its gagei-
tor) can be much less than the star formation threshold (650G c
or 12M pc 3), because stars form in a small self-gravitating
sub-clumps above the threshold density, distributed wideer a
lower-mean-density giant molecular cloud (GMC) complex.

A much smaller fraction of the stellar mass is represented by
self-gravitating bound clusters that often survive forager time.
For example, the long-lasting bound clusters identi edzat 5
(blue circles in Figure 4 and their ancestors) have radinsallsas
R, 10 pc with mean stellar densities as large a®* M pc 3.
Their mean densities are often comparable to or larger than t
star formation threshold, and their typical bound masgifvas are
higher than 80% (red face color). In addition, they tend tanma
tain their locations on th®l R, plane for& 100 Myr (as indi-
cated by groups of red points crowded around the four bludes).
This second group of star clusters could be categorized amitb
clusters”, which could potentially become candidates faspnt-
day metal-poor “blue” GCs. We note that these numericaliynfed
clusters are similar in their sizes and masses to the olpbserved
atz& 6 by Vanzella et al. (2017) and conjectured as proto-GCs.

To illustrate the two populations of star clusters, Figure 5
shows the normalized probability distribution functionDfP of

¢ 2017 RAS, MNRASDOQ, 1-14

mean cluster stellar densities. We see a clear bimodalkdittn
with the majority of mostly unbound associations forming @eak
at 10 2M pc 3, while bound clusters forming another peak at
30M pc 3. The corresponding surface density for this second
bimodal group is 10°M pc 2, as can be seen in the surface
density PDF of Figure 6. It is about an order-of-magnitudgéa
than that of a typical GMC ( 10 M pc 2), implying a rather un-
usual dynamical process by which these bound clusters may ha
formed and evolved. The bound cluster's surface density as-
responds to the surface density scale at which star formatier
Myr timescales may become highly ef cient despite strorgjlat
feedback (see Section 3.4 and Grudic et al. 2016). In faost wf
these dense objects can be traced through multiple snapshodt
are ancestors of just a few bound clusters (see SectionNso83.
that the second bimodal peak around30 M pc 2 in Figure 5
corresponds well with the maximum gas density when the @tust
“A’ formed (red dotted line at = 6:92). This high gas density was
realized when two proto-galaxies merge as seen in the semind
umn of Figure 3, but typically not before or after the merdaack
dotted line in Figure 5 at = 6:99; representative gas density PDF
for a “normal” galaxy). We will come back to this discussian i
Section 3.4.

Figures 5 and 6 indicate that these bound clusters are irea sep
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Figure 5. Normalized probability distribution function (PDF) of meatel-
lar densities, de ned as 3Mc|:(8pRﬁ) (blue solid ling. We display
star clusters identi ed in 31 snapshots coarsely spaceddsstz= 7 and
z= 5 (e.g.,.Dtout 17 Myr for 6< z< 7; sub-sample of clusters shown in
Figure 4 to keep a roughly constadt,,; between snapshots; see footnote
5). Also shown are the PDFs of gas densitiez=at6:99 (black dotted ling
andz= 6:92 (when the cluster “A’ formedgd dotted ling. For a reference,
thethick dashed vertical linenarks the star formation threshold density. A
bimodal distribution is notable with the majority of mostipbound asso-
ciations forming one peak at 10 2M pc 3, and bound clusters forming
another peak at 30 M pc 3. The latter may be a lower limit due to our
nite star formation threshold density, but the bimodaligyrobust.

rate group of a distinctive evolutionary process, not singplail of

a single, unimodal distribution. Of course, because we tdop -
nite threshold density for star formation, a patch of gaddbave
collapsed further — if we had in nite resolution — before rfuing
stars. So the densities of the bound clusters seen here aa-pr
bly lower limits. This only strengthens our inference of enbial
population.

3.3 Evolution of A Long-lasting Bound Star Cluster
3.3.1 Method and Overview

We now focus on how the long-lasting bound star clustersvevol
in time. Before moving to discuss the simulation result, maek
on numerical resolution and the “intra-cluster” dynamicsuid
be timely. The long-lasting bound clusters such as clugteafte
resolved in mass (witl& 10° particles), and the force resolution
is also well below their half-mass radii. Therefore the kiragics
amongst theluster member star particlés numerically resolved.
However, this does not mean that our simulation reproduces t
phase-space distribution of tlaetual starsin observed clusters.
Partly due to the mass resolution — each particle represestis-
lar population of 10°M — we simply cannot resolve a variety
of internal, “intra-cluster” evolution processes such @#lar two-
body relaxation, mass segregation, evaporation, steléesnoss,
or binary interactions (for a comprehensive review, seg B&nac-
quista 2006; Portegies Zwart et al. 2010). Thus, it wouldroel@nt
to assume that the reported simulation at best marginadiyives
the detailed intra-cluster evolution. With this caveat imdj in all
subsequent analyses, we foaudy on globally averaged charac-
teristics of a star cluster, buiot on e.g., radial pro les of stellar

10°

=
o
[N

Cluster Count Distribution, dN,,/dlog®,
=
o

[ Clusters in All (Coarse) Snapshots

-3 I I I I
10 -1 0 1 2 3 4

log[ Cluster Stellar Surface Density, 3, (M pc ?) |

Figure 6. As Figure 5, but with mean stellar surface densities, de aed
Sl Mc|:(2pRﬁ). Interestingly, the broader peak at1 M pc 2 corre-
sponds to what one would obtain by converting a few percenymtal
Milky Way giant molecular clouds (GMCs) into stars (e.g.,aBs et al.
2009), while the other peak at 10° M pc 2 corresponds to the surface
density identi ed by Grudi¢ et al. (2016) as that where fe@ck begins to
become inef cient allowing an order unity fraction of gastton into stars
(Section 3.4).

density or metallicity inside a cluster, which are more selyeaf-
fected by the intra-cluster evolutidA.

In order to trace star clusters evolving in time, we combiree t
descendant information in standard®<STAR outputs, and sup-
plementary information such as member particle IDs of dtesters
selected az= 5. The selected cluster's “lineage tree” — or the main
branch of a merger tree — is built by linking the “main ancesto
determined by RCKSTAR. (When a cluster P bequeaths the most
particles to a cluster D in the next snapshot, P is de ned & D'

parent, D as P's descendant. D may have many parents, the most

massive of which is de ned as the main ancestéi)/e then draw
the lineage tree of the cluster “A’ in Figure 7. The ancesfahe
cluster “A’ starts out in the upper right corner, then logssmass
at early times to dramatically evolve to a compact —i.e.,[EnR,
and higher mean density — and tightly-bound — i.e., highemndo
mass fraction — cluster &= 5. The following section describes
this evolution in detail.

12 Even some of these averaged characteristics of a simuldmbsterc
should be treated with caution. For example, the mean dessibf long-
lasting bound clusters seem to eventually settle in at sevahly slightly
above the star formation threshold (Figure 9). Meanwhikdrthizes,Ry,
seemingly asymptote #& 10 pc. But in nature, obviously, even the massive
clusters simulated in this study may become much densenname com-
pact in size (see e.g., Larsen 2004; Ryon et al. 2015). Thet erhues of
the cluster's density and size, and its evolution and satyimay still likely
depend on the choice of numerical resolution.

13 Or, one may simply locate an ancestor cluster in each snafsitaon-
tains most member particles of the target clustez at5. The two ap-
proaches, in most cases, generate identical lineage Be¢sn peculiar
periods of evolution involving e.g., galactic major mesger tidal shock-
ing/stripping, the two techniques could be used in a cometaary way.
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line shows the lineage tree of the cluster “A’ determined bydRSTAR.
Each data point is colored by the cluster's age — differeamfiFigure 4 0 100 200

— with its size inversely proportional to its bound mass titac fog. The Time (Myr)
ancestor of the cluster “A” begins in the upper right corniethts gure at
z= 6:92 (black circlg, then slowly moves towards the lower left corner to
become compact and tightly-boundzat 5 (blue circle. Initially, a large
fraction of the “association” mass is due to nearby pretmgsstars and
a low-density “envelope” of stars, giving an apparenthgércluster size.
They are stripped in a mass loss event between6:4 andz = 6:3 (two
red circleg, leaving a dense, tightly-bound “cluster” that survives f 420
Myr until the simulation ends.

o
>

300 400

Figure 8. Evolution of the cluster “A’.Top: cluster massM, in units

of its nal mass atz= 5 (corresponding to the-axis of Figure 7). The
>70% decrease in mass atLl00 Myr refers to the period when the cluster
pierces through the host galaxy's gravitational centewbehz= 6:4 and
z= 6:3 (see fth columns in Figures 2-3 and Figures 7, Id)ddle: clus-
ter bound mass fractiorfyg (corresponding to the color-code of Figure 4,
or to the inverse of the data point size of Figure 7). The elust general
becomes more tightly-bound gradually in tinBottom:cluster virial ratio,
Exin=1Epog- The cluster asymptotes to a dashed horizontal line dematin
virial equilibrium. 0 Myr refers to the moment the cluster’‘#arms. The
gray shaded region shows th&0 Myr period during which the simulation
produced outputs at ner intervals (Section 2).

3.3.2 Three Phases of Cluster Evolution

to a virial equilibrium (Figure 8¥4 However, as the bottom panel

of Figure 9 demonstrates, the cluster's core is already denge at

solid lines in Figures 8-11. For example, Figure 8 depictsalis- its formation. The evolution in mass, size afig is primarily due

ter's massVig, bound mass fractiofyq, and virial ratio Ein=jEpod- to changes among loosely-bound old stars initially assediaith

As in other gures, 0 Myr corresponds to the moment the cluste  the newly-formed clustef®

“A’ forms. The gray shaded region represents th&0 Myr pe-

riod during which the simulation produced outputs at neeivals

(Section 2). 14 Because of the relatively lovipg one should be careful when comparing
From Figures 7-11, three phases of evolution are noticeable M of the objects studied in Figures 4, 7 and 8 with the massebs#roed
(1) Phase 1: Formation and initial evolution of the cluster. low-redshift GCs for which unbound stars are not includethi calcula-

the rst 100 Myr of its life (blue to rstred circle in Figure 7),the  tion of their masses. For example, few datapoints in Figure4ompatible

cluster's mass and radius frequently change (Figures @}ly with the observed GCs since many of them are unbound. Eveantes-

because of its proximity to its host galaxy and neighborihgc tors of the cluster “A” in Figure 7_cannot be directly commhveéth observed
ters. In other words, according to our lineage tree analysthe GCs as they are yet to be fully tightly-bound. Only after thester becomes
’ ' tightly-bound withf,qy  90% can their masses be thought of as consistent

_rst 100 Myr, the cluster's mass and s_ize change b(_agause it IosesWith the boundmasses measured for observed GCs.
its loosely-bound member particles, or it captures neighggar- 15 We however caution that the description of the cluster'syearolution
ticles as it passes by them (but negligibiesitu star formation; see  in phases 1-2 may be dependent on the speci ¢ algorithm araireders
Section 3.5). The cluster gradually becomes tightly-bowitl fp,q of the cluster nder (RcksTARchosen here; Section 2). Some of the un-
increasing from< 10% to 80%, while its virial ratio asymptotes  bound or loosely-bound stars in the “envelope” may not besjaiayly asso-

For a more quantitative evaluation of the simulation res@tolu-
tion of the cluster's various characteristics are showickt black

¢ 2017 RAS, MNRASDOQ, 1-14
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(2) Phase 2: Mass loss of the clustAt. 100 Myr after the
cluster's formation (between= 6:4 andz= 6:3; two red circles in
Figure 7), the cluster's mass decreases>t0% (Figure 8). This
event refers to the period when the cluster pierces thraughost
galaxy's gravitational center ( fth columns in Figures 2-3 peri-
centric approach to the galactic center since the cludtarsation
with a very high relative velocity (Figure 10). Strong ticgalocking
at the pericenter and tidal interaction with the host gal@yoves
a large fraction of the cluster's mass in a short time, legutime
most tightly-bound core of the clusters, and bringing itstmbmass
fraction from 80% to> 90% (Figure 8). It showcases that the en-
ergy gain by a tidal shock can alter the cluster's bindingrgye
(e.g., Kruijssen et al. 2011). This process preferentistiips the
old star particles which existed before the formation ofthester
itself, but were associated with the cluster bgdksTARwhen the
cluster formed. The process thus leaves the core of tidftiyad
young stars with narrower distribution in particle agesct®as
3.4 and 3.5). We speculate that a tidal shock-induced psdies
this may be essential to transform a population of star etasto
leave only tightly-bound clusters (e.g., Kruijssen 20165 worth
noting that the cluster's evolution is driven not only by dymic
relaxation effects of the cluster itself, but also by the edting
galactic contexts such as the cluster passing throughgstidal
elds and experiencing mass losses.

(3) Phase 3: Settling of the clustéfter the mass loss event,
the cluster eventually settles in 8y 10°9M and R,
10%4pc. The cluster maintains these properties for the ne320
Myr. It also preserves most other characteristics sucheabdiind
mass fraction, virial ratio, density, metallicity, and oeity disper-
sion (Figures 8-9 and 11). One of the reasons that the clostid
maintain its characteristics is because the cluster hasmowed to
an orbit with a relatively large radius after a fast veloditgrease
around the major mass loss event in Phase 2 (Figure 10). Gar-ob
vation is broadly consistent with Kruijssen (2015) who a&dgjthat
external perturbation events such as galaxy mergers cauwldec
clusters to migrate into the halo, and thus limit the duratbthe
shock-induced disruption phase. The cluster may survivarf@x-
tended period of time since it is now less likely to undergtalti
shocks that could disrupt it. It is also interesting that ¢hester is
ejected from the main concentration of stars into the halwere
Milky Way's metal-poor “blue” GCs are indeed fourifl.

3.4 Formation of A Long-lasting Bound Star Cluster
3.4.1 Method and Overview

In this section, we go back to the moment when these longiast
bound star clusters form, and examine the formation caouti

of the bound clusters. In particle-based hydrodynamicesdiéte
Gizmo a newly-born star particle inherits the unique particle 1D
number from its progenitor gas particle. Using these unidpse

we can identify the “gas progenitor” of a cluster in an eartieap-
shot before the cluster formed. The cluster's “formatiand is

de ned as the moment when 50% of the gas progenitor member

ciated with the cluster, and might have been easily lost ongdr timescale
even without the tidal process described in Phase 2.

16 Clearly, the limited run time of our simulation prohibits fusm predict-

ing the ultimate fate of our simulated high-redshift clustéAn extensive
study with more samples would be needed to thoroughly teshilpothe-
sis. For recent studies closely related to this idea, segkaigjssen (2015)
and Adamo & Bastian (2015).
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Figure 9. Evolution of the cluster “A” and its gas progenitdiop: the gas
progenitor member particles' dispersion in positien(blue), or the clus-
ter's half-mass radiug}y, (black corresponding to thg-axis of Figure 7).
A vertical dot-dashed line in each panel marks 0 Myr, the mutrttee clus-
ter forms. The gray shaded region shows the period in whiehsimula-
tion produced outputs at ner intervaldliddle: the gas progenitor member
particles' mean densityTgas (blue), or the cluster's mean stellar density,
el 3MC|=(8pRﬁ) (blacK. Triggered by a galaxy merger, the gas progeni-
tor's density increases in a short time, causing the gagldiogollapse and
turn a signi cant portion of its mass, 10° M , simultaneously into stars.
Bottom:a zoom-in region around the cluster formation time. Theatfite
nuity in densities between the blue and black solid linesMy0is because
the newly-formed star cluster grouped bp & sTARIncludes not only the
just born star particles but also nearby pre-existing stadsthe low-density
“envelope” of stars forming from nearby less dense gas.lBugas progen-
itor's density smoothly transitions to the cluster's cosndity within 15 pc
from its center thick black dashed linethat contains almost exclusively
newly-born star particles. In addition to the gas progenitbthe cluster
“A’ ( thick blue ling, progenitors of three other long-lasting bound clusters
identi ed at z= 5 are shownlflue dashed lings Also shown are the pro-
genitors of nine unbound associationg at 5 — that are more massive than
1:5 10°M atz= 5, but did not become long-lasting bound clustéinin(
red lineg. All the bound clusters follow a similar evolutionary pathith

a large mass collectively reaching high densities in a dirogscale ( 10
Myr). Unbound associations typically form from fragmegtisub-regions
within lower-mean-density GMC complexes.
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Figure 10. Evolution of the cluster “A” and its gas progenitor as Figure
9, but in different propertieslop: gas progenitor member particlelge)

or the cluster member particleddlack mean distance to the galactic cen-
ter normalized by the galactic virial radit;r; ga. Middle: gas progenitor
member particles'lflue) or the cluster member particledlack) bulk ve-
locity with respect to the galactic center normalized by gladactic virial
velocity Vyir; gai- Bottom:a zoom-in region around the formation time of the
cluster “A’. The cluster formation event is associated vathrastic veloc-
ity change around a pericentric passage during a protoegaterger (i.e.,
strong tidal shock with Mach number100; see Figure 3).

particles have turned into star particles. Using such médion, in
Figures 9 to 11 we present the evolution of the cluster “A” &ad
gas progenitor. In addition to the gas progenitor of thetelu®\’,
progenitors of three other long-lasting bound clustersticed at
z= 5 are shown (blue dashed lines in the bottom panels; recll th
these three clusters are more massive th&? M and survived
> 300 Myr atz= 5; marked by thin blue circles in Figure 4). Also
shown are the progenitors of nine unbound associations & —
that are more massive tharbl 10°M atz= 5, but fail to meet
the criteria of a long-lasting bound cluster (thin red lines

At early times, more than 100 Myr before the formation, the
gas progenitor particles of the cluster “A” are spread dekpc,
effectively a random sample of the entire galaxy (FigureA®pout
30 Myr before the formation time, the gas progenitor's mean-d
sity reaches 10cm 3 (or 10 1M pc 3), a typical value of a
dense ISM in this relatively dense high-redshift galaxyef ffior
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Figure 11. Evolution of the cluster “A” and its gas progenitor as FigQre
but in different propertiesTop: gas progenitor member particlesige) or
the cluster's flack mean metallicity within a half-mass radiug,. Mid-
dle: gas progenitor member particledl¢e) or the cluster member parti-
cles' (black) velocity dispersionsy. Bottom:a zoom-in region around the
formation time of the cluster “A’. The sharp velocity changgethe clus-
ter formation time (Figure 10) is associated with a shargdnovelocity
dispersion, consistent with the tidal compression.

the next 30 Myr, a galaxy merger event disturbs the graoiati
potential around the gas progenitor sitting between therheog-
ing proto-galaxies ( rst and second columns in Figures 273)is
event forces the gas cloud into strong compressive shodgaré~
10), forming a self-gravitating cloud with its velocity @isrsion
decreased to 20 kms ! (Figure 11). Themeandensity of the
gas progenitor accordingly increases quickly&al0® cm 3 (or
& 10M pc 3; see Figure 9, or the red dotted line of Figure 5).
Consequently, the gas cloud collapses and turns a sigrii pan
tion of its mass& 10° M , comparable to that of a star cluster)
simultaneously into stars in the gas free fall timescigle, 3 Myr
(see also Section 3.5). Due to its high density and compsstne
the newly-formed cluster remains gravitationally boundté\that
this formation scenario applies also to other long-lastiognd star
clusters.

In order to illustrate the nature of gas compression trigger
star cluster formation, in Figure 12 we plot the radial pedf
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the mass-weighted gas infall velocity when the cluster “&irss

to form. The plot is centered on the gas progenitor of the-clus
ter — the location of densest gas within 100 pc from the center
of the gas progenitor — at 10.5 Myr before the cluster's fdaram
time (when the rst stars in the cluster begin to form). Thene
ative velocity values indicate the inward motion of the géise
merger event disturbs the gravitational potential aroure fro-
genitor and compresses the gas cloud to high density whése it
strongly self-gravitating. Therefore, the actual gaslirsfeeed is of

the orde& of the purely gravitational infall speed at eadiusR,
Vii(R) = 8GMiot< (R1=(p?R), whereMy < (R) is the total mass
within R. The gas infall speed does occasionally become larger than
the purely gravitational collapse speed. This is indieat¥a mas-
sive gas cloud with little support from rotation or sheagtthol-
lapses under self-gravity until it undergoes ef cient dtaimation

at high density.

3.4.2 Merger-induced Star Cluster Formation

Overall, our investigation paints a picture of bound stastgr for-
mation when massive clouds reach very high densities — ai-cond
tion which may be preferentiallgnerger-inducedthough in prin-
ciple similar conditions could occur without mergers). s can
produce tidal shocks in regions of strong tidal accelenafmg.,
bridges, tidal tails, induced bars) with velocity jumps ofler the
circular velocity (Figure 10), corresponding to Mach numsbef

50 100, which in turn produces extreme gas compression (e.g.,
Kim et al. 2009). The resulting dense gas clumps ef cientiplc
and collapse. The free fall time at the velocities shown ig- Fi
ure 12 reaches 0:5 1:5 Myr for the clump core with densities

10 4cm 3. Therefore collapse occubeforethe rst SNe ex-
plode (which requires a time 3 10 Myr). Although radiative
feedback and stellar winds are present in our simulationatd
on shorter timescales, the gas densities are suf cienti lsiuch
that they are unable to disrupt the cloud until a signi canatction
— an order unity — of the gas has been converted into stellas ma
(Grudi¢ et al. 2016¥7 The resulting, highly ef cient star formation
allows the cluster to remain bound. This is in line with poais an-
alytic (Fall et al. 2010; Kruijssen 2012) and numerical (@tet al.
2016) models for the fraction of stars that form in bound tets

By disturbing and compressing the system, galaxy mergers

provide unique opportunities to make the otherwise norr8ail |
shock to abnormally high densities. The violent environtigim-
portant to push a large gas mas®ofi®® ®M collectivelyto very
high density in a short time, rather than letting it fragmeanb
smaller dense pieces. Once at such high density, the clouaiyply
turns a signi cant portion of itself into stars at a small dynical
timescalets . 3 Myr. Since proto-galaxies at high redshift fre-
quently experience mergers, they could have provided defert-
vironment to produce multiple long-lasting bound clustershich
we speculate to be candidates for present-day “blue” GCs.

17 For a cloud core with 10 M inside 10 pc (Figure 7), the escape ve-
locity is & 20 kms 2, so photoionization heating which heats the gas to the
thermal speed of only 10 kms ! cannot unbind the cloud. Radiation pres-
sure and stellar winds for a zero-age main sequence papuladith carry a
momentum ux L=c 102 dyne(M,=10° M ), which is less than the
gravity GMgMgasR2  10°2 dyne(Mgassl0P M )(Sg=10°M pc 2)

for a clump surface densi® 10° M pc 2, until most of the gas is turned
into stars (see Grudic et al. 2016 for more details).
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Figure 12. Radial pro le of the mass-weighted gas infall velocity andu
the gas progenitor of the cluster “A” when it begins to fotoiug solid ling
10.5 Myr before the cluster's formation time). The negatmues indicate
the inward movement of the gas. Also shown is the purely tgaonal in-
fall speed at each radiuse@l dotted ling. Thethick dashed vertical line
marks the minimum force resolution for gas. The galaxy mreegent dis-
turbs the gravitational potential around the progenitat eampresses the
gas cloud, making the actual gas infall speed occasionatyet than the
purely gravitational collapse speed. For cold, molecutar-®orming gas,
the compressive velocities here corresponds to Ma&® ows.

We emphasize the critical difference between our merger-
induced formation process of long-lasting bound star ehssand
thenormalturbulent fragmentation. All star particles require a den-
sity aboveny, = 500 cm 3 to spawn in our simulation (Section 2),
yet most of them end up in unbound associations. It is because
a typical star-forming gas clump, only a small fraction afritass
in sub-clumps (with mass 10°M ) is suf ciently dense to form
star particles. The newly-born star particles then destieir par-
ent cloud complex. By contrast, in the cluster formatiomnsei®
identi ed in our simulation, a violent galaxy merger causdsarge
amount of self-gravitating gas mass — comparable to thatstda
cluster — to simultaneously reach high density above thefsta
mation threshold.

3.4.3 Caveats

It is worth discussing a few points about this process:

(1) Since the newly-formed star cluster grouped bydRr-
STAR includes not only the just born star particles but also nearb
pre-existing ones, the newly-formed cluster's mean stelémsity
could be smaller than that of the gas progenitor of the ditigte
atz= 5. This results in the discontinuity in densities between th
blue and black solid lines at 0 Myr in the middle/bottom pare
Figure 9. In fact, az= 6:90, just 3.2 Myr after its formation, the
cluster “A’ is composed of 80% in pre-existing stars, and only

20% in stars just born in the past 5 Myr (see Section 3.5 foremor
discussion). The pre-existing stars are typically in theskitts of
the cluster, and tend to be preferentially removed alregdy=h5,
leaving only the core of tightly-bound young stars (but agaee
footnote 15). But notice that if we consider the mean derithe
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Figure 13. Top: The normalized PDF of the star cluster member particles'
creation timedc, (time bin size= 9.3 Myr). 0 Myr corresponds to the mo-
ment each star cluster forms.thick blue lineand ablue dotted lineare for
the members of the cluster “A” at= 5 andz= 6:90, respectively, while a
thin red lineis for a representative unbound association (see Sectoioi3.
how this unbound association is selecté&httom:a zoom-in region around
the formation time of the cluster “A” with ner binning in tim (bin size=
0.93 Myr). Thex-axis range is kept identical among Figures 8-11 and 13
for easier comparison. Most of the cluster's member pagitéft byz= 5
were formed in a short burst, withibte; tf . 3 Myr from the cluster's
formation time.

core within 15 pc containing almost exclusively newly-batar
particles, the gas progenitor's density smoothly traosgito the
newly-formed cluster's core density at 0 Myr (thick blackstad
line in the bottom panel of Figure 9).

(2) Readers should note that the high-density cluster formatio
process described above is nosuaf cient condition, but only a
necessarycondition for a long-lasting bound cluster. Among the
nine unbound associations shown in Figures 9-11 (thin resk)i
three of them broadly followed similar paths as that of thestr
“A” when formed. But eventually, they do not become longtilag
bound clusters &= 5. Other processes after their formation — such
as tidal disruption or gravitational capture — interrugitHives as
bound clusters at some points befare 5. Obviously, however,
we cannot exclude the possibility that they could have sed/as
bound clusters if better numerical resolution had been t&diop

It is also useful to comment on the numerical aspects of our
simulation:

(1) As pointed out before (footnote 12), what magt be so
robust in our calculation is the quantities like the clustenal
size and density, because the cluster's relaxation eftaeonly
marginally resolved. In contrast, whigtindeed physically robust
is the fact that a large self-gravitating gas masskof0® &M
could reach very high densitsimultaneouslyin galaxy mergers,
and should very ef ciently form stars before any of the vasastel-
lar feedback channels intervenes. Based on our argumeove,ab

¢ 2017 RAS, MNRASDOQ, 1-14
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Figure 14.The normalized PDF of the star cluster member particlesainet
licities. Thethick blue lineis for the cluster “A” aiz= 5, while thethin red
line is for an unbound association (the same one as in Figure 13hid
simulation, gas particles have xed metallicity with noentparticle mix-
ing allowed. The metallicity spread we nd should be intefed as an up-
per limit of the true metallicity spread — if e.g., turbulenmixes metals on
small scales in star cluster-forming regions.

capturing this in simulations requires the ability to resokur-
face densities at least as high asl®®M pc 2. In nature, gas
clouds may reach even higher densities before they becolfre se
gravitating and star-forming.

(2) We argue that a numerical simulation with high resolution
and a high dynamic range needs to be accompanied by appeopria
subgrid physics to properly describe the clustered standtion
scenario described here. For example, we nd it harder totitle
long-lasting bound clusters in the same runs with lowerfsiama-
tion threshold density (e.gz5m10mrrun with ng, = 50 cm 2 in
Ma et al. 2015, see footnote 6) or without a self-gravity $ter
mation criterion (e.g.z5m10erun in Ma et al. 2015), because in
this cases stars arti cially form at such low densities tblaimps
can never reach the critical mean densities described alheve
& 10° cm 3).18 This suggests that for the hydrodynamics code
adopted in our study, a physically-motivated star fornratiote-
rion is crucial to depict the Jeans gravitational collapstha rel-
evant mass and length resolution scales, and to numeriegdhp-
duce extraordinary conditions such as merger-inducedciiater
formation.

3.5 Composition of A Long-lasting Bound Star Cluster At
The End of The Simulation (z = 5)

Finally we examine the cluster propertieszat 5 focusing on how
the cluster formation event is imprinted in its compositiBigure
13 shows the normalized PDF of the star cluster member feg'tic
creation timedc,. A small dispersion in member particles' ages
for the cluster “A” (clustered at 0 Myr) reinforces the idémt the
star formation episode lasted for a very short time. The ttheo
small peaks located at500 Myr and 100 Myr contribute negli-
gibly to the total cluster mass. For comparison, we also {fiet
ter distribution for the cluster “A” az = 6:90, just 3.2 Myr after

18 This result is in line with Figure 10 of Li et al. (2017) wheralp with
high enough star formation threshold can they reproducstibet burst of
star formation found in observed young massive clusters.
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its formation. Even though the cluster was initially grodpeith
nearby pre-existing stars of varying ages bgdXSTAR, they are
typically in the outskirts of the cluster, and tend to be pref-
tially removed already by = 5. This process left only the core of
tightly-bound young stars with very narrow distributiongarticle
ages. We also plot the PDF of one of the six unbound assaasatio
whose gas progenitors are shown in thin red lines in Figus,9
but do not resemble the evolution path of the cluster “A” gnoitpr.
Indeed, itst¢ distribution reveals multiple generations of member
star particles.

The width of the main spike in the cluster “A” members'
formation episode is of order the free fall time (bottom pawfe
Figure 13). 60% of the entire member star particle population
were born within a 3 Myr period in this main spike. That is,
Dty 3 Myr tg, which is approximately consistent with the re-
cent observations of young massive clusters (Bastian @04B,
2014; Cabrera-Ziri et al. 2014).

In Figure 14 we plot the normalized PDF of the star clus-
ter member particles’ metallicities. This agrees reashnakell
with internal abundance variations found in recent obs&msa of
metal-poor “blue” GCs (e.g., Gratton et al. 2004; Da Costalet
2009; Marino et al. 2015; Roederer et al. 2016). It also shows
that the star-forming gas was already enriched up to as tégh a
10 1z , while approximately matching the observed mean abun-
dance value. (One may also speculate that the cluster “Abésh
a slightly narrower distribution than a representativeaurta as-
sociation does.) However, the large spread in the membéclear
metallicities for the unbound association (larger thandhserved
[Fe/H] spreads of 0.05 dex), or equivalently a large noise in the
metallicity eld, is to a great extent a numerical artifaeidause we
do not include a sophisticated metal mixing scheme in thaisim
lation — that is, presently metals are simply locked intdvittlial
particles once deposited by SNe. We plan to investigatecltid:
ing a subgrid-scale turbulent metal diffusion scheme (&g.et al.
2017) would reduce the arti cially enhanced metallicityead.

4 SUMMARY AND CONCLUSION

Using a state-of-the-art cosmological simulation of higlshift
merging proto-galaxies from thEIRE project, we have investi-
gated the formation and evolution of star clusters, and iigpa
ular explored one formation hypothesis for present-dayatyador
“blue” GCs. In the simulation, two populations of clustestdr for-
mation emerge. Most stars form in unbound or loosely-bowsd a
sociations with mean stellar densitiesl0 2M pc 3, or surface
densities 1M pc 2, corresponding to a typical GMC complex
converting a few percent of its mass into stars. This is thebier
we have previously shown as “typical” in simulations witmgar
physics at low redshifts (Hopkins et al. 2012) and seen ireBbs
vations (e.g., Evans et al. 2009). However, a few percentask s
form in bound clusters with mean stellar densitie80 M pc 3,
or surface densities 103 M pc 2 (Section 3.2). At these surface
densities, Grudic et al. (2016) showed (in simulationsnofivid-
ual cluster-forming clouds, at sub-Mresolution but with the same
physics) that stellar feedback begins to become unabledieetly
expel the cloud before/as it collapses into stars, leadiramptorder
unity fraction of gas turning into stars. Essentially, teé-gravity
of the cloud becomes too large for small-scale feedbackretamno
overcome, particularly as the dynamical times for colldpsgome
shorter than the massive star's evolution timescale — andesh
than the timescale for SNe explosion. A similar threshold wa-

tivated by simple analytic arguments in Fall et al. (2010)ti€ally,

the simulation here sdegoth populations, with suf cient dynamic
range to show that the same physics which produces low star fo
mation rates in a galaxy-averaged sense (Hopkins et al.; Zit4

et al. 2017) and most of the star formation in unbound assoni&
can also produce a reasonable mass fraction in dense, bG@d,
like objects. Itis also crucial that the simulation herduie stellar
feedback not just from SNe but also from photoheating, tauia
pressure and stellar winds, since the cluster formatioedaales
are shorter than 3 Myr, so SNe do not have the chance to explode
before the clusters form (Section 2). In other words, sitine
which do not include these other feedback mechanisms coetd-t
fore easily overestimate the formation ef ciency of denkesters.

We show that frequent mergers in high-redshift proto-gatax
can provide a fertile environment for the production of tGi€-
like population. The mergers disturb the gravitationaleptitl
and produce tidal shocks with Mach number$0 100, which
rapidly and collectively push (pre-existing) large gasudse of
& 10° M to very high densities 103cm 3 (Section 3.4). Such
clouds then cool and collapse to form stars extremely rgfdt
fore stellar feedback can stop star formation. We typicalle a
dense “core” in these systems, which is tightly-bound,@unded
by a lower-density “envelope” of loosely associated stamd a
nearby pre-existing stars. Those stars are quickly anépmefially
stripped — not just by dynamical relaxation effects (whi@de not
necessarily resolve in the simulations) but also by thetetysass-
ing through the tidal eld of its host galaxy (Section 3.3) the
simulation we analyzed, the tightly-bound core is left Inehand
survives for 420 Myr, until the end of the simulation. This relic
core has a very small age spread, and relatively small rioitgall
spread (Section 3.5).

Of course, the simulation here still suffers from various-li
itations. Our limited resolution, 808 1M , means that we can
only follow very massive clusters, and cannot follow detdiintra-
cluster evolution (dynamical relaxation, mass segregaétt; Sec-
tion 3.3). Next-generation simulations in progress reac30 M
resolution (Wheeler et al. in prep.), and in follow-up segliwve
can use these new runs to identify cluster-forming regiohihv
are then re ned to gain superior resolution. The limitedlation
time of the present simulation — stoppedzat 5 — entails that we
cannot yet predict the ultimate fate of the clusters (elgirtioca-
tions in az= 0 Milky Way-like galaxy, into which this progenitor
halo should eventually evolve). Future simulations witlahddress
this (Wetzel et al. in prep.), but also methods which reptdesters
formed self-consistently with tracer particles which carebolved
for longer times (e.g., Renaud et al. 2017; Li et al. 2017)c¢be
useful. Improvements to the hydrodynamics and subgridipbys
our newFIRE-2 model (Hopkins et al. 2017) may also in uence
our predictions, although preliminary comparisons sugties the
hydrodynamic method (e.g.,1@10's mesh-free nite-mass mode
versus the PsPHmode chosen here) does not signi cantly affect
the conclusions presented here. Future work will includsyaring
different runs performed with different hydrodynamicsvess and
star formation prescriptions to constrain their effectshia stellar
distribution and cluster numbers. More accurate treatenefistel-
lar yields (as opposed to the IMF-averaged yields adoptez) hed
subgrid metal diffusion in the dense ISM will be critical taake
testable predictions for the internal abundance patteitisniGCs,

an obvious frontier for observations.
¢ 2017 RAS, MNRASDOQ, 1-14
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