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ABSTRACT11

A population of dense stellar systems at high redshift has recently been uncovered by the JWST. To investi-12

gate the formation of supermassive black hole (SMBH) seeds in these dense environments without invoking any13

ad hoc seeding mechanisms, we present star cluster-scale simulations performed with an updated version of the14

hydrodynamics code Enzo-Abyss, which self-consistently integrates the gravity using a direct N-body method15

coupled with stellar evolution. By modeling initially dense, metal-poor gas clouds with varying turbulence, we16

consistently find the formation of dense clusters resembling early-stage nuclear star clusters (NSCs), as well as17

the formation of very massive stars (VMSs) ranging from 343 M⊙ to 5108 M⊙ via runaway collisions, irrespec-18

tive of stellar wind feedback strength. Following the direct collapse of these VMSs, the resulting intermediate-19

mass black holes (IMBHs) grow through Eddington-limited gas accretion and tidal disruption events (TDEs).20

In our most optimistic model, we find a mass accretion rate of 1.64× 10−4 M⊙ yr−1, with TDEs contributing21

23% of the total accretion over ∼ 10 Myr. Assuming a steady gas supply into the NSC driven by rapid structural22

assembly in the high-redshift environment, together with a constant TDE rate, we project that an IMBH with an23

initial mass of 6747 M⊙ at the center of the NSC can grow to ∼ 62000 M⊙ within 100 Myr of its formation. Our24

numerical study, conducted within a single self-consistent framework that incorporates the essential physical25

processes, suggests that VMSs can form in dense gas clouds, collapse into IMBHs, and subsequently provide26

viable seeds for the SMBHs observed at high redshift.27

Keywords: black hole physics — gravitation — hydrodynamics — methods: numerical — stars: black holes —28

galaxies: star clusters: general29

1. INTRODUCTION30

The formation of supermassive black holes (SMBHs)31

could, in principle, be constrained by linking the massive32

populations observed in the local Universe to their high-33

redshift progenitors. Nevertheless, the origin of these ob-34

jects remains one of the most significant open questions in35

astrophysics (Volonteri 2010; Inayoshi et al. 2020). The chal-36

lenge has become even more acute with the advent of the37

James Webb Space Telescope (JWST), which has revealed38
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a population of massive black holes already in place in the39

early Universe (Goulding et al. 2023; Larson et al. 2023;40

Harikane et al. 2023; Maiolino et al. 2024; Kovács et al.41

2024; Napolitano et al. 2025). The presence of such mas-42

sive objects merely hundreds of millions of years after the43

Big Bang places severe constraints on their formation the-44

ories, demanding either rapid growth rates (Yoo & Miralda-45

Escudé 2004; Volonteri & Rees 2005) or massive initial seeds46

(Lodato & Natarajan 2006).47

To explain the existence of SMBHs observed in the early48

Universe, several formation pathways have been proposed,49

including the direct collapse of primordial gas clouds, the50

remnants of Population III (Pop III) stars, and gravitational51
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runaway collisions in dense star clusters. Each scenario52

presents distinct advantages and theoretical challenges. The53

direct collapse scenario predicts the formation of massive54

seeds (MBH ≳ 105 M⊙) (Loeb & Rasio 1994; Eisenstein55

& Loeb 1995; Begelman et al. 2006); however, preventing56

the fragmentation of the massive gas clouds into stars re-57

quires specific environmental conditions (e.g., strong Lyman-58

Werner radiation) that may be rare. Pop III stars are ex-59

pected to be ubiquitous, providing a high occupation fraction60

of seeds (Madau & Rees 2001; Volonteri et al. 2003). Yet,61

their remnants are relatively light (∼ 100 M⊙), necessitat-62

ing sustained super-Eddington accretion to bridge the gap to63

the supermassive regime observed at high redshifts. Gravita-64

tional runaway collisions offer a mechanism that can func-65

tion across a broad range of redshifts (Sanders 1970; Lee66

1987; Quinlan & Shapiro 1990). The primary constraint67

for this scenario, however, is that extreme central densities68

are required to promote successive stellar mergers during69

the short lifetime (≲ 5 Myr) of the resulting very massive70

stars (VMSs). While the existence of VMSs at high redshift71

has long been a subject of theoretical debate, recent obser-72

vations (e.g., Marques-Chaves et al. 2026) provide evidence73

that VMSs may be significantly more overabundant in the74

early Universe than previously anticipated.75

Remarkably, recent observations by the JWST have un-76

veiled the existence of young, dense stellar systems at z =77

6−10, interpreted as proto-globular clusters (Vanzella et al.78

2023; Mowla et al. 2024; Bradač et al. 2025; Messa et al.79

2025a; Fujimoto et al. 2025; Abdurro’uf et al. 2025). In par-80

ticular, the Cosmic Gems arc (Adamo et al. 2024; Bradley81

et al. 2025; Vanzella et al. 2025) offers one of the most in-82

triguing cases. Through gravitational lensing, this system83

reveals five star clusters at z = 9.6 with ages younger than84

50 Myr, sizes of ∼ 1 pc, and masses of ∼ 106 M⊙. These85

properties yield stellar surface densities of approximately86

105 M⊙ pc−2, values comparable to those of massive nuclear87

star clusters (NSCs) found in the centers of galaxies (Neu-88

mayer et al. 2020).89

In these dense environments, the VMSs can grow to90

masses exceeding hundreds or even thousands of solar91

masses (Portegies Zwart & McMillan 2002; Portegies Zwart92

et al. 2004). Crucially, provided these stars are sufficiently93

massive to avoid complete disruption via pair-instability su-94

pernovae (PISNe), they are predicted to collapse directly into95

intermediate-mass black holes (IMBHs) with little to no mass96

loss (Heger & Woosley 2002; Spera & Mapelli 2017). Thus,97

the recent discovery of dense star clusters at high redshift98

highlights the viability of this scenario, offering a robust99

and physically motivated pathway for seeding massive black100

holes that bypasses the growth bottlenecks associated with101

lighter stellar remnants.102

Following their formation, IMBHs are expected to grow103

primarily via gas accretion. In the gas-rich cores of young104

NSCs at high redshift, the central black hole is embedded in105

a dense reservoir, allowing for sustained accretion that may106

approach or even exceed the Eddington limit (Inayoshi et al.107

2016; Wu et al. 2025). Simultaneously, extreme stellar den-108

sities resulting from dynamical friction and mass segregation109

significantly increase the probability of close encounters be-110

tween the IMBH and surrounding stars, triggering tidal dis-111

ruption events (TDEs; Rees 1988; Strubbe & Quataert 2009;112

Rizzuto et al. 2023). However, despite their potential to ac-113

celerate black hole growth, the contribution of TDEs remains114

difficult to capture self-consistently in hydrodynamical stud-115

ies. For instance, while Lee et al. (2023) investigated the evo-116

lution of massive black hole seeds inside dense NSCs, the117

computational expense of resolving individual stars forced118

them to rely on analytical models for stellar density profiles119

and TDE rates.120

To investigate the complete evolutionary sequence — from121

the formation of dense star clusters and the onset of runaway122

collisions to the birth and subsequent growth of IMBHs —123

in a self-consistent manner, we introduce an updated version124

of the hybrid hydro/N-body framework, Enzo-Abyss. The125

development of such multi-physics frameworks is a growing126

necessity in modern astrophysics, as seen in recent efforts127

(e.g., Wall et al. 2020; Cournoyer-Cloutier et al. 2021, 2025;128

Grudić et al. 2021; Farias et al. 2024; Bernard et al. 2025) to129

couple high-precision stellar dynamics with hydrodynamics.130

These studies have pushed the boundaries of resolving star131

cluster formation and evolution within their natal gaseous en-132

vironments.133

Previously, Jo et al. (2024) integrated the direct N-body134

code NBODY6++GPU (Wang et al. 2015) into the hydrodynam-135

ics code Enzo to simulate star cluster evolution within galax-136

ies. However, that implementation was limited by its inabil-137

ity to resolve the physics of individual stars (i.e., the lack of138

appropriate star formation and feedback prescriptions). Fur-139

thermore, coupling NBODY6++GPU with the gas dynamics of140

Enzo proved technically challenging, as the N-body code141

was originally designed for standalone use. To overcome142

these hurdles, we have developed a new direct N-body code,143

Abyss (Jo et al. 2026). This code is seamlessly coupled with144

modern external libraries for small-scale physics — such as145

SDAR (Wang et al. 2020b) for accurate few-body dynamics146

and SEVN (Iorio et al. 2023) for stellar evolution — and is147

fully integrated within the Enzo platform. By implementing148

robust individual star physics and improved integration algo-149

rithms, we can now resolve individual stellar dynamics with150

high-precision gravity, eliminating the need for gravitational151

softening. The present study, conducted within this single152

self-consistent framework that incorporates all relevant phys-153

ical processes, demonstrates that VMSs can form in dense154
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Figure 1. Multi-scale overview of the Enzo-Abyss simulation for the model with αvir = 1.5 and vw = 3000 km s−1. Left: Projected gas
density within the central 10 pc. Middle: A zoom-in of the central 1 pc region, showing the gas density overlaid with the stellar distribution
(gray points). Right: Trajectories of the 10 stars nearest to the central IMBH (red circle; see Section 3.4) over 1000 yr, illustrating orbits
computed on the fly with the exact N-body solver inside Enzo-Abyss (see Section 2.2). Note that the non-smooth appearance of some orbits
in the right panel arises from the second-order extrapolation used to synchronize individual particle timesteps for visualization and the frequent
stellar perturbations in the dense core; the underlying N-body integration is fourth-order accurate. The final position of each star is marked by
a circle. All panels are centered on the position of the IMBH. TDEs are triggered when a star passes within the tidal radius of the IMBH; half
of the stellar mass is accreted onto the IMBH and the other half is returned to the surrounding gas (Section 3.4.2).

gas clouds, collapse into IMBHs, and subsequently provide155

viable seeds for the SMBHs observed at high redshift.156

The paper is structured as follows. In Section 2, we de-157

scribe the Enzo-Abyss framework and provide a detailed158

explanation of its components. In Section 3, we outline the159

adopted initial conditions and the physical models governing160

stellar and black hole evolution. The main results regarding161

VMS/IMBH formation and growth are presented in Section162

4, followed by a further discussion in Section 5. Finally, we163

summarize our key findings and conclude in Section 6.164

165

2. NUMERICAL METHODS166

Figure 1 presents a multi-scale overview of the167

Enzo-Abyss simulation. By incorporating all the numerical168

components needed to describe the complete evolutionary se-169

quence of SMBH seeds — from the formation of dense star170

clusters to the onset of runaway collisions and the growth of171

IMBHs — this framework allows us to accurately track these172

physical processes across a vast range of spatial scales.173

2.1. Enzo: Adaptive Mesh Refinement Hydrodynamics Code174

Enzo is a block-structured Eulerian adaptive mesh refine-175

ment code, developed for a variety of astrophysical problems176

(Bryan et al. 2014). In this study, the 3rd order accurate177

piecewise parabolic method (PPM) (Colella & Woodward178

1984; Bryan et al. 1995) with a Harten-Lax-van Leer with179

Contact (HLLC) Riemann solver (Toro et al. 1994) is em-180

ployed as the hydrodynamic solver. Enzo uses the Particle181

Mesh (PM) gravity solver to deal with the gravitational inter-182

action between the baryons and collisionless particles, such183

as dark matter. The motion of particles are integrated at every184

timestep via a drift-kick-drift algorithm (Hockney & East-185

wood 1988), which is accurate to the second order. Enzo also186

has the well-tested subgrid prescriptions, including star for-187

mation, stellar feedback, massive black hole accretion, and188

active galactic nuclei (AGN) feedback.189

2.2. Abyss: Direct N-body Code190

Abyss is a direct N-body code employing the fourth order191

Hermite integrator and the block time step method (Jo et al.192

2026). Abyss can be used as a standalone code, but it is in-193

tegrated into Enzo to model collisional gravitational dynam-194

ics as in Enzo-N framework (Jo et al. 2024). In this frame-195

work, particles within a user-defined region are integrated196

via Abyss without gravitational softening. In this study, we197

defined this region to encompass the entire simulation box;198

consequently, the motions of all stars and black holes are in-199

tegrated without softening. By adopting the Ahmad-Cohen200

neighbor scheme (Ahmad & Cohen 1973), the total force201

acting on a particle in Abyss is divided into two compo-202

nents: an irregular force and a regular force. The irregu-203

lar force, exerted by nearby neighbor particles1, is updated204

frequently on an irregular timestep and is parallelized us-205

ing MPI. In contrast, the regular force from distant parti-206

cles changes more smoothly, is updated on a less frequent207

1 In this study, the neighbor list of a particle is dynamically updated to main-
tain a neighbor count of 50.
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regular timestep, and is parallelized on GPUs2. While the208

code’s architecture is largely inspired by the standard direct209

N-body code, NBODY6++GPU (Wang et al. 2015), we intro-210

duce a novel queue scheduling system for dynamic load bal-211

ancing: a root processor distributes tasks to worker proces-212

sors asynchronously as they become available, minimizing213

processor idling and maximizing computational efficiency.214

Furthermore, a shared-memory interface utilizing MPI-3.0215

has been implemented to reduce the communication over-216

head when distributing particle data. More technical details217

will be presented in Chung et al. (in prep.).218

2.3. SDAR: Slow-Down Algorithmic Regularization219

In the dense core of an N-body system, hard binaries220

and highly eccentric orbits can frequently occur. However,221

the Newtonian gravity has the singularity, and the Hermite222

method becomes largely inaccurate or time-consuming at the223

pericenter. To resolve the issue, a special treatment for close224

encounters or compact few-body systems is required. The225

regularization technique can be used to avoid the singularity226

by transforming the equation of motion (Kustaanheimo et al.227

1965; Mikkola & Tanikawa 1999; Preto & Tremaine 1999).228

Here, we implement the slow-down algorithmic regular-229

ization (SDAR; Wang et al. 2020b) integrator into Abyss230

to accurately evolve the orbit of compact few-body groups.231

The widely used SDAR library3 combines the algorithmic reg-232

ularization and the slow-down technique, which artificially233

slows down the orbital motion of weakly perturbed binaries234

(Mikkola & Aarseth 1996). Thus the effect of external per-235

turbation is enhanced, and the corresponding orbital motion236

can be approximated to the secular evolution (Wang et al.237

2020b). While it loses the phase information of orbits, it can238

efficiently reduce the computational cost, so various mod-239

ern N-body codes, such as PETAR (Wang et al. 2020a) and240

BIFROST (Rantala et al. 2021, 2023), use SDAR to integrate241

few-body dynamics.242

An orbit integration of a group of particles is performed by243

SDAR when particles in the neighbor list approach closer than244

a threshold distance, which is set to 10−4 pc in this study.245

For the force calculation in Abyss, such a group is treated246

as a single center-of-mass particle. Few-body systems in-247

volving three or more particles can form through close en-248

counters, including those involving existing center-of-mass249

particles. In our simulations, we did not encounter systems250

composed of more than four particles. A system is dissolved251

2 While the standard CPU version of Abyss computes regular forces across
multiple nodes, the version employed in this study accelerates these calcu-
lations on GPUs within a single node. A multi-node GPU implementation
is currently under development (Chung et al. in prep.).

3 Here, SDAR denotes the software library, while SDAR refers to the algo-
rithm itself. SDAR is publicly available at https://github.com/lwang-astro/
SDAR.

into individual particles if the separation between any pair of252

particles within the binary tree — automatically constructed253

by SDAR — exceeds the threshold distance and the particles254

are receding from each other. This dissolution strategy is255

adopted to break up systems with more than two particles256

early, as long-lasting many-body systems can significantly257

increase the computational cost.258

2.4. SEVN: Stellar EVolution for N-body259

In order to consider stellar feedback from individual stars,260

it is necessary to trace detailed stellar evolution from the261

zero-age main sequence (ZAMS) to the final evolutionary262

phase. Various packages are developed for stellar evolution263

in direct N-body codes, e.g., SSE/BSE (Hurley et al. 2000,264

2002), MOBSE (Giacobbo et al. 2018), BSEEMP (Tanikawa265

et al. 2020), and SEBA (Portegies Zwart & Verbunt 1996;266

Toonen et al. 2012). Among those codes, we choose SEVN4
267

(Iorio et al. 2023) to be implemented into Abyss. SEVN is268

a rapid population synthesis code, which is designed to cal-269

culate stellar evolution through interpolation of precomputed270

stellar tracks (Iorio et al. 2023; Spera et al. 2015; Spera &271

Mapelli 2017). SEVN uses the adaptive time-step to prevent272

drastic change of stellar properties.273

SEVN offers two types of stellar tracks calculated from274

PARSEC (Bressan et al. 2012; Costa et al. 2019, 2021; Nguyen275

et al. 2022) and MIST (Choi et al. 2016). We choose276

SEVNtracks parsec ov04 AGB since these tracks deal with277

the largest range of stellar mass (2.2 M⊙ ≤ M⋆ ≤ 600 M⊙),278

including VMS range.5 For stars below this range (M⋆ <279

2.2 M⊙), we ignore stellar evolution, as their lifetimes far ex-280

ceed our simulation timescale of ∼ 10 Myr. Conversely, run-281

away mergers can produce VMSs exceeding the upper limit282

of the tracks (M⋆ > 600 M⊙). For these objects, we extrap-283

olate the 600 M⊙ track: we assume the star retains the same284

lifetime and evolutionary phase as a 600 M⊙, but we scale the285

mass loss rate by a factor of M⋆/600 M⊙, following Rantala286

et al. (2024). The evolution of such massive stars carries sig-287

nificant theoretical uncertainty. For instance, Vergara et al.288

(2025) incorporate stellar rejuvenation after stellar mergers,289

resulting in extended lifetimes for VMSs. In this study, we290

restrict our analysis to the simplified extrapolation described291

above, deferring further improvements to future work.292

SEVN also offers binary stellar evolution which is calcu-293

lated through analytic and semi-analytic methods, but it is294

not considered in this study. Even though multiple stars are295

identified as a few-body system, we evolve them as single296

stars. Binary stellar evolution with primordial binary forma-297

tion will be considered in future works.298

4 SEVN is publicly availble at https://gitlab.com/sevncodes/sevn.
5 The tracks are calculated from the overshooting parameter of λov = 0.4.

See Iorio et al. (2023) for details.
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3. SIMULATIONS299

3.1. Refinement Strategy and Initial Conditions300

Our computational domain is a (40 pc)3 box with a root301

grid of 1283 cells, corresponding to an initial spatial resolu-302

tion of 0.31 pc. We apply a Jeans length refinement criterion,303

ensuring that the local Jeans length is resolved by at least 4304

cells, as suggested by Truelove et al. (1997). Additionally,305

a cell is refined into 8 child cells if the cumulative particle306

mass it contains exceeds 600 M⊙. This criterion ensures that307

the hydrodynamical grid maintains high resolution in regions308

where the N-body dynamics drive high stellar densities. The309

maximum refinement level (lmax) is set to be 3, achieving the310

finest cell size of ∆x = 0.04 pc.311

We initialize a dense gas cloud of metallicity Z = 0.02 Z⊙
6

312

with a density profile given by313

ρ(r) = ρc

(
1+

r2

a2

)−2

, (1)314

where the central density is ρc = 1.29×10−20 g cm−3 and the315

scale length is a= 5 pc. These parameters result in a total gas316

mass of Mgas = 1.75×105 M⊙ within the simulation domain.317

The initial density is chosen to be sufficiently high to promote318

bursty star formation and the formation of VMSs through319

mergers. The mean surface density within the central 5 pc320

is 550 M⊙ pc−2, which is in line or lower than the constant321

initial density profiles ranging from 1100 to 3200 M⊙ pc−2
322

used by Fujii et al. (2024). We explore the sensitivity of our323

results to the slope of the density profile by comparing this324

fiducial model with a Plummer profile in Section 5.1. We325

apply a turbulent velocity field on the initial 1283 cells, char-326

acterized by a power spectrum of v2
k ∝ k−4, consistent with327

previous hydrodynamical simulations of turbulent molecular328

clouds (e.g., Bonnell et al. 2003; Wang et al. 2010; Fujii et al.329

2024). The strength of the initial turbulence is set to yield a330

specific virial parameter, defined as αvir = 2EK/|EP|, where331

EK is the kinetic energy and EP is the gravitational poten-332

tial energy. Our fiducial models are initialized in virial equi-333

librium (αvir = 1.0). In addition, to reflect the highly turbu-334

lent conditions of the high-redshift Universe, we also explore335

super-virial models with αvir = 1.5 and 3.0. Our simulation336

suite with varying αvir values is summarized in Table 1.337

3.2. Star Formation338

Since our simulations resolve individual stars, we employ339

the stochastic star formation algorithm of Goldbaum et al.340

(2015, 2016), incorporating the updates described by Emer-341

ick et al. (2019). We define a cell to be star forming candi-342

date, if it is at the maximum refinement level and satisfies the343

6 We adopt a solar metallicity value of Z⊙ = 0.02041.

Table 1. Simulation parameters (αvir and vw), resulting VMS
masses (MVMS), total number of mergers onto the VMS progenitor
(Nmerger), total number of mergers during the main sequence phase
of the VMS progenitor (Nmerger, MS), and time elapsed from the first
star formation to IMBH formation (tIMBH).

αvir vw MVMS Nmerger Nmerger, MS tIMBH

[km s−1] [M⊙] [Myr]
1.0 500 5108 2543 1379 2.63
1.0 3000 4142 1625 1021 2.58
1.5 500 3950 1605 971 3.22
1.5 3000 3299 1535 911 2.82
3.0 500 519 141 80 2.94
3.0 3000 343 63 49 2.85

following criteria: (1) the hydrogen number density exceeds344

the threshold nthres = 2× 105 cm−3, (2) the temperature is345

lower than the threshold Tthres = 30 K,7 (3) the local velocity346

field is converging ∇ · v < 0, and (4) the gas mass in the cell347

is higher than the local Jeans mass M > MJeans, where MJeans348

is approximately 12 M⊙ with the cell temperature T = 30 K.349

In this study, we adopt a Kroupa initial mass function350

(IMF; Kroupa 2001) with a mass range from MIMF, min =351

0.08 M⊙ to MIMF, max = 150 M⊙. To sample stars from the352

IMF, the mass of star forming gas cell M must be greater than353

at least MIMF, max, the upperbound of our chosen IMF. This354

requirement could create unnaturally dense cells, as the Jeans355

mass MJeans is typically much lower than MIMF, max in our356

simulation. To prevent this problem, we gather the gas from357

surrounding 26 (= 33 − 1) cells if a cell’s density is greater358

than nthres. Star formation is permitted only if the cumula-359

tive gas mass of the star-forming cell and its surroundings360

exceeds a threshold of fthresMIMF, max, where fthres is a free361

parameter and chosen to be 2 in our study.8362

Additionally, we adopt a stochastic star formation model363

(Goldbaum et al. 2015, 2016) designed to reproduce the local364

Schmidt law,365

dρ⋆

dt
= ε⋆

ρgas

tff
, (2)366

where ρ⋆ is the stellar density, ρgas is the gas density, tff =367

7 To compute the cooling and heating rates, we employ the GRACKLE library
(Smith et al. 2017, https://grackle.readthedocs.io). GRACKLE provides tab-
ulated metal cooling rates derived from CLOUDY (Ferland et al. 2013), as
well as the UV background photo-heating and photo-ionization rates based
on Haardt & Madau (2012). In this work, we employed the equilibrium
cooling version of GRACKLE. We plan to implement a non-equilibrium pri-
mordial chemistry network in future studies with AEOS physics module (see
Section 5.3).

8 This approach is inline with Hirai et al. (2021) that adopts a smoothed
particle hydrodynamics (SPH) code and employs a similar star formation
method. They introduce the search radius and gather gas particles within
the radius, if a star-forming gas particle mass is smaller than a randomly
sampled stellar mass from the IMF.
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(3π/(32Gρgas))
1/2 is the local free-fall time, and ε⋆ is the368

star formation efficiency, which is fixed to 0.01 in this study.369

In this scheme, a star formation event is triggered if a random370

number P, drawn uniformly from [0,1), satisfies P ≤ P⋆. The371

threshold probability P⋆ is derived by discretizing Eq. 2 over372

the timestep ∆t and cell volume ∆x3:373

P⋆ = ε⋆
ρgas∆x3

MIMF, max

∆t
tff

. (3)374

When this condition is met, we generate stars by sampling the375

IMF until the cumulative mass exceeds MIMF, max, ensuring376

the IMF is fully populated without truncation bias.9377

To prevent unnatural stellar mergers immediately fol-378

lowing formation in extremely dense environments, newly379

formed stars are randomly deposited within a cubic volume380

of width 0.156 pc, centered on the host gas cell. Stellar veloc-381

ities are initialized from a Gaussian distribution centered on382

the bulk velocity of the gas, with a dispersion of 1 km s−1,383

consistent with observations (Foster et al. 2015). Although384

stellar positions and velocities are initially stochastic, they385

rapidly settle into a dynamically stable configuration under386

their self-gravity, calculated in Abyss using a direct N-body387

method without softening. Following initialization, we apply388

corrections to ensure the local conservation of the center-of-389

mass position and total momentum of the gas-star system.390

Primordial binary formation is not included in this work and391

all stars are initialized as single objects, though binaries may392

subsequently form through dynamical interactions.393

3.3. Stellar Feedback394

We improve Enzo-N framework (Jo et al. 2024) by im-395

plementing stellar evolution code SEVN (Iorio et al. 2023) in396

Abyss to trace the evolution of individual stars. By coupling397

SEVN with hydrodynamics code Enzo (Bryan et al. 2014),398

feedback injections from individual stars in different evolu-399

tionary phases is modeled. In this section, we describe in400

detail on how the stellar feedback process is treated. Regard-401

ing chemical enrichment, we do not track individual chemi-402

cal yields in this work; instead, we assume a constant metal403

yield fraction of 0.02 for both stellar winds and supernova404

events.405

3.3.1. Stellar Wind Feedback406

As one of pre-SN feedback sources, we implement stel-407

lar wind feedback. For each Enzo timestep, stellar positions,408

velocities, and properties are evolved in Abyss and sent to409

Enzo. If a star has stellar mass loss within an Enzo timestep,410

the corresponding mass and energy are injected into sur-411

9 In Eq.(3), MIMF, max = 150 M⊙ acts as a fixed mass threshold. However,
the actual total mass of the formed stars is allowed to slightly exceed this
value to ensure individual stars are sampled without bias.

rounding cells. We assume complete thermalization of the412

wind’s kinetic energy and inject the feedback as pure ther-413

mal energy. Because our simulations reach a maximum res-414

olution of 0.04 pc, the feedback injection occurs on scales415

small enough to resolve the Sedov-Taylor phase (see Simp-416

son et al. 2015; Emerick et al. 2019) and significantly allevi-417

ate the overcooling problem, which typically occurs at lower418

resolutions. Following Emerick et al. (2019) and Brauer419

et al. (2025), we calculate the total wind feedback energy by420

considering both the kinetic and thermal components of the421

ejected material as:422

Ew =
1
2

Mwv2
w +Eth (4)423

=
1
2

Mwv2
w +

3
2

MwkBTeff

mp
, (5)424

where Mw is the stellar wind mass loss, vw is the wind ve-425

locity, Teff is the effective temperature of the star, and mp is426

the proton mass. For our fiducial models, we set the wind427

velocity to 500 km s−1 for massive stars (MZAMS ≥ 8 M⊙)428

and 20 km s−1 for lower-mass stars (MZAMS < 8 M⊙). To429

investigate the impact of stronger feedback, we also explore430

models with a boosted wind velocity of 3000 km s−1 for mas-431

sive stars. The feedback energy is derived dynamically us-432

ing stellar properties (mass loss and effective temperature)433

provided by SEVN. For instance, assuming a typical effec-434

tive temperature of 104 K, a mass loss event of 0.01 M⊙435

yields total feedback energies of approximately 6.5× 1043,436

2.5×1046, and 9.0×1047 erg for wind velocities of 20, 500,437

and 3000 km s−1, respectively. Our simulation suite with438

varying wind velocity vw values (for massive stars) is sum-439

marized in Table 1.440

Once the feedback energy is determined, we inject mass,441

thermal energy, and metals into the neighboring cells, follow-442

ing the method described in Simpson et al. (2015). Specif-443

ically, we define a virtual 33 cell-cloud centered on the star444

particle. The feedback quantities are then distributed among445

the 43 real cells that overlap with this virtual cloud, where446

the amount received by each cell is weighted by its volume447

overlap with the virtual cloud centered on the particle.448

3.3.2. Photoionization Heating (HII Region) Feedback449

We modify the method used in Goldbaum et al. (2016) to450

implement the effect of photoionization heating by injecting451

thermal energy. If a star is in the main sequence phase and its452

initial mass is larger than 5 M⊙, we calculate the Strömgren453

radius:454

Rs =

(
3Q

4παBn2

)1/3

, (6)455

where Q is the ionizing photon rate, αB = 2.6 ×456

10−13 cm3 s−1 is the case-B recombination coefficient at a457

fixed temperature of 104 K, and n is the hydrogen number458
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density of gas in the cell containing a star particle. To de-459

termine Q, we use the same fitting formula and coefficients460

described in Eq. 2 and Table 1 in Fujii et al. (2021), which461

is obtained from OSTAR2002 (Lanz & Hubeny 2003) with462

the assumption of solar metallicity and ignoring the stellar463

evolution. The formula covers the mass range of 5 M⊙ ≤464

MZAMS ≤ 300 M⊙ and we use the value at 300 M⊙ if there is465

a star with MZAMS ≥ 300 M⊙.466

Following the method in Goldbaum et al. (2016), we com-467

pare the cell volume Vc containing the star particle and468

the volume of the Strömgren sphere, Vs = (4/3)πR3
s . The469

cell containing the star particle is heated to a tempera-470

ture of T = 104 K · fV if the cell temperature Tc is colder471

than T , where the volume filling factor fV is defined as472

fV = min[Vs/Vc, 1.0]. This approach is reasonable since the473

Strömgren radius is considerably smaller than the cell size474

most of the time, as we simulate very dense gas cloud. If475

there are multiple HII region feedback sources, each source476

contributes separately with the maximum temperature of477

104 K. We expect that this HII region feedback can be im-478

proved in future works by employing an adaptive ray tracing479

method in Enzo (Wise & Abel 2011) as adopted in Emerick480

et al. (2019) and Brauer et al. (2025).481

3.3.3. Supernovae Feedback and Remnants Formation482

We implement supernova (SN) feedback for stars that483

reach the end of their lives with some specific conditions, as484

determined by the stellar evolution code SEVN. Depending on485

the final mass of the star’s CO or He core, SEVN triggers one486

of three supernova types: (1) electron capture (ECSN), (2)487

core-collapse (CCSN), or (3) pair-instability (PISN). The en-488

ergy for each SN event is fixed at 1051 erg, which is injected489

as thermal energy regardless of the SN type. This energy490

and metals are distributed among the neighboring cells using491

the same method as for stellar wind feedback, as described492

in Section 3.3.1. If the fallback fraction10 is 1.0, the CCSN493

event is not triggered and the star collapses directly into a494

black hole without SN feedback.495

Following a SN event, the progenitor star particle is496

replaced by a compact remnant, according to the model497

adopted in SEVN. After an ECSN, the star becomes a NS.498

White dwarfs (WDs) can form from lower-mass progeni-499

tors and may produce Type Ia supernovae via merger events.500

However, we do not consider these channels in this study, as501

our simulation timescale (≲ 13 Myr) is significantly shorter502

than the stellar lifetimes of such progenitors. In contrast, fol-503

lowing a CCSN, a black hole (BH) or a neutron star (NS)504

can form; for these events, we adopt the delayed model of505

Fryer et al. (2012). The neutrino mass loss correction (Lat-506

10 The fallback fraction refers to the fraction of mass that gravitationally col-
lapses onto the remnant behind the outgoing shock during the explosion.

timer & Yahil 1989; Zevin et al. 2020) is applied to a com-507

pact remnant, and the remnant receives a natal kick after SN508

events by the model suggested in Giacobbo & Mapelli (2020)509

(more information can be found in Appendix B). Lastly, if a510

progenitor star meets the condition for a PISN, the explosion511

leaves no compact remnant. PISNe occur when the final He-512

core mass (MHe,f) is in the range of 64 ≤ MHe,f/M⊙ ≤ 135513

(Mapelli et al. 2020; Spera & Mapelli 2017; Woosley 2017).514

VMSs with masses above this PISN mass gap do not explode515

and instead collapse directly into a BH. This is the formation516

mechanism for IMBHs observed in our simulation suite.517

3.4. Intermediate-mass Black Hole (IMBH) Physics518

We define an IMBH as a BH with mass MBH ≥ 100 M⊙,519

and model their evolution and feedback using the massive520

black hole modules in Enzo, which implement gas accretion521

and feedback based on the algorithms of Kim et al. (2011).522

3.4.1. Gas Accretion523

IMBHs in our simulations accrete gas from surrounding524

cells. Their accretion rates, ṀBH, are determined by the525

Eddington-limited Bondi-Hoyle-Lyttleton formula (Hoyle &526

Lyttleton 1939; Bondi 1952):527

ṀBH = min(ṀB, ṀEdd) (7)528

= min

(
4πG2M2

BHρB

(v2
rel + c2

s )
3/2 ,

4πGMBHmp

εrσTc

)
, (8)529

where vrel is the relative velocity between an IMBH and530

the gas cell, cs is the sound speed of the cell containing an531

IMBH, εr = 0.1 is the radiative efficiency (Shakura & Sun-532

yaev 1973), and σT is the cross section of the Thomson scat-533

tering. The Bondi radius is given by RB = 2GMBH/c2
s and534

the density at the Bondi radius is estimated as535

ρB = ρgas · min((∆x/RB)
1.5, 1.0), (9)536

where ∆x is the size of the cell the IMBH resides in (Wang537

et al. 2010; Kim et al. 2011, 2019; Lee et al. 2023). Our most538

refined cell size of 0.04 pc is sufficient to resolve the Bondi539

radius of a 1000 M⊙ IMBH, which is typically ∼ 0.1 pc in our540

simulations. To satisfy local mass conservation, the gas mass541

equals to the accreted mass into a BH is subtracted from the542

sphere of gas cells with the radius of 0.16 pc (corresponding543

to the four smallest cell width).544

3.4.2. Tidal Disruption Accretion545

While Lee et al. (2023) modeled TDE accretion indirectly546

using analytical estimates of the stellar density and velocity547

dispersion around the massive black hole (MBH), our direct548

N-body approach allows us to explicitly track individual stel-549

lar orbits. We assume that a TDE occurs when the separation550

between an IMBH and a star is smaller than the tidal disrup-551
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tion radius (Kochanek 1992; Rantala et al. 2023),552

RTDE = 1.3
(

M⋆+MBH

M⋆

)1/3

r⋆. (10)553

Upon disruption, we assume the IMBH instantaneously ac-554

cretes half of the stellar mass, consistent with previous nu-555

merical studies (e.g., Rizzuto et al. 2023; Rantala et al. 2023;556

Lee et al. 2025). The remaining half is ejected as gas and dis-557

tributed uniformly into the 33 cells surrounding the IMBH,558

where it contributes to the local gas reservoir for potential559

star formation or future accretion.560

3.4.3. Thermal Feedback561

AGNs with high accretion rates comparable to the Edding-562

ton limit are thought to operate in the quasar mode, where563

feedback is primarily driven by radiation pressure (Dubois564

et al. 2012; Cielo et al. 2018). In our simulation suites,565

IMBHs accrete gas at the Eddington rate for the majority of566

their evolution. This high accretion efficiency arises from567

our dense gas initial conditions and the initially weak stellar568

feedback, as most stars remain on the main sequence during569

the rapid IMBH formation via runaway collisions. Conse-570

quently, we employ a thermal feedback prescription to rep-571

resent the quasar mode for these IMBHs, adapting a method572

traditionally developed for SMBHs.573

We calculate the thermal energy ejection rate via AGN574

feedback as follows:575

ĖAGN = εecεrṀBHc2, (11)576

where εec = 10−4 is our fiducial energy coupling constant.11
577

The calculated thermal feedback energy is injected into the578

surrounding spherical region with the radius of 0.1 pc. While579

the adopted thermal feedback prescription for IMBHs is ex-580

ploratory and has only a marginal impact on IMBH growth581

in the present study, we will examine the effects of varying582

feedback parameters in future work.583

3.5. Mergers Amongst Stars and Compact Objects584

Since we are dealing with direct N-body method without585

softening between particles, there is no resolution limit in586

gravity. In our simulations, particles are not treated as point587

masses; instead, each particle represents an object with a fi-588

nite radius. We classify three distinct types of mergers: (1)589

11 In most simulations describing SMBH thermal feedback (MBH > 106 M⊙),
εec ranges from 0.05 (Springel et al. 2005; Di Matteo et al. 2005) to 0.15
(Booth & Schaye 2009; Dubois et al. 2012). We adopted a lower value
since our simulation depicts IMBHs (MBH < 104 M⊙). For a 5000 M⊙
IMBH accreting at the Eddington limit, the resulting energy ejection rate
is 6.3×1037 erg s−1, which is small enough to ensure that the IMBH does
not unphysically quench local star formation or evacuate the cluster core
prematurely.

stellar mergers (star-star), (2) star-compact object mergers,590

and (3) compact object-compact object mergers. Close en-591

counters are integrated using the SDAR library and we trigger592

a merger based on two distinct conditions, which are checked593

at every SDAR timestep (∆tSDAR):594

• If the current separation between particles (rsep) is al-595

ready within the merger radius (rsep ≤ rmerger).596

• If the particles are currently separated by more than the597

merger radius (rsep > rmerger), but they will pass within598

it (rperi ≤ rmerger) before the next timestep is complete599

(tperi ≤ ∆tSDAR), where rperi is the periapsis distance600

and tperi is the time to reach periapsis.601

Furthermore, to account for general relativistic effects, we in-602

corporate the orbit averaged post-Newtonian corrections for603

bound few-body systems12. These corrections can harden the604

system and accelerate potential mergers (more information605

can be found in Appendix A).606

We determine stellar radii using SEVN for stars in the mass607

range of 2.2 M⊙ ≤ M⋆ ≤ 600 M⊙. For stars outside this608

range, we calculate the radius by assuming a constant stel-609

lar density. For low-mass stars with M⋆ ≤ 2.2 M⊙, we adopt610

the solar density, yielding r⋆ = R⊙ · (M⋆/M⊙)
1/3. For VMSs611

with M⋆ ≥ 600 M⊙, we extrapolate using the density of a612

600 M⊙ star, resulting in r⋆ = R600 · (M⋆/600 M⊙)
1/3, where613

R600 is a radius of a 600 M⊙ star. When stellar mergers take614

place, we assume that chemical mixing of two stars occur615

immediately without mass loss and stellar properties of the616

remnant are determined by the merger process in SEVN. The617

merger remnant is assigned the evolutionary stage and frac-618

tional lifetime of the more evolved progenitor. Further details619

on how SEVN treats stellar mergers can be found in Iorio et al.620

(2023).621

In contrast, to describe interactions between compact ob-622

jects (WDs, NSs, and stellar-mass BHs) and stars, we extend623

the treatment of TDEs described in Section 3.4.2. Specifi-624

cally, any merger between a star and these stellar-mass rem-625

nant is treated as a TDE.13 Finally, a merger between two626

compact objects is triggered only if their separation falls be-627

low the innermost stable circular orbit (ISCO), which we628

approximate as Risco = 6GMrem/c2 using the Schwarzschild629

metric. However, we note that while IMBH-driven TDEs are630

frequent, no interactions involving these stellar-mass rem-631

nants occurred during our simulations. Although a small632

population (≳ 100) of stellar-mass BHs formed across our633

12 For few-body systems composed of more than two particles, we identify all
bound particle pairs within the hierarchical binary tree of SDAR and apply
the post-Newtonian corrections to their relative motions. This approach can
be less accurate in strongly interacting three-body systems compared to full
post-Newtonian equations of motion.

13 In this case, MBH in Eq. 10 is replaced by the mass of the remnant, Mrem.
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Figure 2. Snapshots of the central 20 pc region from the simulation suite, each taken immediately before a VMS collapses into an IMBH.
Each row shows gas surface density (top), density-weighted gas temperature (middle), and stellar surface density (bottom). The total number
of stars and stellar mass within the simulation domain are indicated. For a fixed virial parameter, models with stronger stellar wind feedback
exhibit hot, low-density cavities, while the ones with weaker feedback form more massive clusters. See Section 4.1 for more information.

runs, the simulation runtime of ∼ 13 Myr was too short for634

these rare dynamical channels (stellar-mass remnant TDEs or635

compact object mergers) to manifest (see Section 4.3).636

The position and velocity of a merger remnant are deter-637

mined by the center-of-mass of the two particles before the638

merger. Furthermore, if both objects are BHs, the mass, spin,639

and recoil kick of the merger product can be modeled to ac-640

count for gravitational wave emission. However, we reserve641

this detailed treatment for future work, as no such events oc-642

curred in our current simulations.643

644

4. RESULTS645

We perform a suite of simulations with varying wind feed-646

back strengths and initial virial parameters, evolving each647

until a VMS collapses into an IMBH (see Table 1). Given648

the short lifetime of VMSs, these simulations cover a dura-649

tion of < 4 Myr. Subsequently, we select two representative650

simulations and extend them to ∼ 13 Myr to investigate the651

co-evolution of the star cluster and the IMBH. Unless other-652

wise noted, all time references denote the time elapsed since653

the first star formation event. In this work, sub-clusters form654

from the fragmenting gas and subsequently collapse to form655

a single massive star cluster in every model. We identify656

these sub-clusters morphologically rather than employing a657

formal clustering algorithm; they are clearly distinguishable658

as dense stellar groupings in the snapshots (e.g., the two sub-659

clusters visible in the sixth column of the bottom panel of660

Figure 2).661

4.1. Formation of Massive Star Clusters662

Figure 2 presents the gas surface density, density-weighted663

gas temperature, and stellar surface density at the epoch im-664

mediately preceding the collapse of the VMS in each model.665

As the initial gas density profile is sufficiently concentrated666

to support star formation in the core, a central star cluster667

forms in every model, with the exception of the case with668

vw = 3000 km s−1 and αvir = 3.0, in which two central clus-669

ters are in the process of merging. However, variations in ini-670

tial virial parameter and wind feedback strength lead to con-671

siderable differences in the gas distribution and the timing of672

the VMS collapse. In the gas density projections of models673

with strong stellar wind feedback (e.g., vw = 3000 km s−1),674

we observe localized low-density regions, particularly in the675

off-center areas, caused by escaping massive stars. In the676

core of dense clusters, frequent close encounters and three-677

body interactions can eject massive stars at high velocities678

(Fujii & Portegies Zwart 2011; Fujii et al. 2022). As these679

high-velocity ‘escapers’ traverse the simulation volume, their680

stellar winds clear out the surrounding gas. Since we im-681

plement stellar wind feedback as thermal energy injection,682
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Figure 3. Half-mass radius versus stellar surface density for the
simulated star clusters, compared with observational samples from
high-redshift galaxies and the local Universe. Simulated clusters are
represented by star-shaped markers: different colors indicate differ-
ent initial virial parameters (αvir = 1.0 in blue, 2.0 in red, and 3.0
in gold), while open and filled markers denote models with fidu-
cial (vw = 500 km s−1) and strong (vw = 3000 km s−1) stellar wind
feedback, respectively. Observational data include BulletArc-z11
(Bradač et al. 2025), Cosmic Gems (Adamo et al. 2024; Messa
et al. 2025b), Firefly Sparkler (Mowla et al. 2024), Cosmic Spear
(Abdurro’uf et al. 2025), Cosmic Archipelago (Messa et al. 2025a),
Sunrise (Vanzella et al. 2023), and local young star clusters (Brown
& Gnedin 2021). The simulated clusters are compact (rh ≲ 1 pc)
and exhibit high surface densities (∼ 105 M⊙ pc−2), comparable to
the properties of the Cosmic Gems clusters. Note that the two sim-
ulated clusters with αvir = 3.0 show lower surface density than the
others due to their high initial turbulence. See Section 4.1 for more
information.

these feedback-induced low-density cavities also correspond683

to high-temperature regions in the temperature projections.684

To investigate the structural properties of simulated clus-685

ters and compare them with observations, in Figure 3 we686

present their half-mass radii and stellar surface densities14
687

at the moment of IMBH formation, along with the observed688

clusters from both high-redshift galaxies and the local Uni-689

verse. The properties of the simulated clusters are mea-690

sured immediately prior to the collapse of the VMS. The691

observational comparison samples include the BulletArc-z11692

(Bradač et al. 2025), Cosmic Gems (Adamo et al. 2024;693

Messa et al. 2025b), Firefly Sparkler (Mowla et al. 2024),694

Cosmic Spear (Abdurro’uf et al. 2025), Cosmic Archipelago695

14 Stellar surface density is defined as Σh = Mcl/(2πr2
h), where Mcl is the

cluster mass and rh is the half-mass radius.
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Figure 4. Evolution of the total stellar mass within the simulation
domain (top) and star formation rates (bottom). The less turbulent
models (with lower virial parameter αvir) exhibit bursty star forma-
tion at earlier epochs. In contrast, variations in the wind feedback
strength (vw) do not produce significant differences in either the to-
tal stellar mass or the star formation history when the same αvir is
used. See Section 4.1 for more information.

(Messa et al. 2025a), Cosmic Grapes (Fujimoto et al. 2025),696

and the Sunrise arc (Vanzella et al. 2023), as well as local697

young star clusters (YSCs; Brown & Gnedin 2021). For the698

local YSCs, only clusters with estimated ages younger than699

100 Myr are selected.700

Most local YSCs have masses below 104 M⊙ and sur-701

face densities of ∼ 103 M⊙ pc−2. In contrast, due to their702

compact, sub-parsec sizes, our simulated clusters generally703

exhibit higher densities than the majority of observed sys-704

tems — with two possible exceptions of αvir = 3.0 (the705

most turbulent initial conditions, with lower surface densi-706

ties of ∼ 104 M⊙ pc−2). Our simulated clusters are more707

massive (∼ 105 M⊙), and more comparable to high-redshift708

observational samples. Among observed systems, the Cos-709

mic Gems clusters (spectroscopically confirmed at z = 9.6;710

Messa et al. 2025b) represents a striking counterpart to our711

fiducial models, displaying high stellar surface densities of712

105 −106 M⊙ pc−2. Beyond density, the Cosmic Gems clus-713

ters share other key similarities with our simulations: they714

are young (7−30 Myr), metal-poor (Z < 0.1 Z⊙), and reside715

in a mini-quenched state (Messa et al. 2025b). Furthermore,716

some clusters from the Cosmic Spear, Cosmic Grapes, and717

Sunrise arc also exhibit high surface densities similar to our718

models. We will later argue that such dense star clusters at719

high redshift are promising environments for IMBH forma-720

tion via runaway collisions, as are also suggested by recent721
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Figure 5. Stellar density profiles measured from the density center at three epochs: 1.0, 0.5, 0.0 Myr before the formation of an IMBH.
Here, the profile center is defined as the location of the maximum density peak within 0.1 pc of the VMS (which is about to collapse into an
IMBH). For models with αvir = 1.0 and 1.5, densities in the central r < 0.1 pc region reach ∼ 106 M⊙ pc−3 — the threshold at which runaway
collisions can occur (Ardi et al. 2008; Fujii et al. 2024) — at all epochs shown. In contrast, the most initially turbulent models (αvir = 3.0) reach
this threshold only in the innermost regions and exhibit lower densities overall, leading to the formation of significantly less massive VMSs
(MVMS < 600 M⊙; see also Table 1). See Section 4.2 for more information.

studies (e.g., Mayer et al. 2025; Rantala & Naab 2025; Lahén722

et al. 2025; van Donkelaar et al. 2026).723

Figure 4 shows the total stellar mass growth and the star724

formation rate in each simulation. We observe distinct dif-725

ferences in stellar mass growth across simulations with dif-726

ferent initial virial parameters, αvir. The total stellar mass in727

models with a lower virial parameter is significantly larger728

than in those with a higher virial parameter. This is expected,729

as less turbulent models undergo more efficient gravitational730

collapse. The trend is also evident in the star formation rate;731

The less turbulent models exhibit intense bursts of star forma-732

tion at early epochs, driven by rapid gravitational collapse.733

In contrast, variations in the wind feedback strength pa-734

rameter, vw, do not produce significant differences when the735

same αvir is used. Minor divergence begins to appear at later736

times (t > 1.5 Myr), particularly in the models with αvir = 1.0737

and 1.5. During the early phase (t < 1.5 Myr), stars remain738

on the main sequence, and mass loss is negligible according739

to the stellar evolution model in SEVN. As the system evolves,740

wind feedback begins to impact the surrounding gas, leading741

to suppressed star formation in models with larger vw. How-742

ever, the overall suppression is marginal because the stel-743

lar wind feedback is insufficient to disrupt the gravitational744

potential of massive molecular clouds (Mcloud ≳ 105 M⊙), a745

finding consistent with Polak et al. (2024). In the αvir = 3.0746

cases, differences between wind feedback strengths are negli-747

gible, as the number of feedback sources (i.e., massive stars)748

is relatively smaller than in the other models.749

4.2. Formation and Evolution of VMSs750

Successive stellar mergers in the dense cores of star clus-751

ters can lead to the formation of VMSs (Portegies Zwart &752

McMillan 2002; Portegies Zwart et al. 2004). According to753

the stellar evolution model we adopted in SEVN, a VMS di-754

rectly collapses into an IMBH if its final helium core mass755

exceeds 135 M⊙ (see Section 3.3.3). We find that the central756

massive clusters in all our simulations are sufficiently dense757

to trigger this pathway, producing VMSs massive enough to758

undergo direct collapse into IMBHs. Here, we investigate759

the formation of the VMS in each simulation and track its760

evolution until this collapse occurs.761

Figure 5 illustrates the evolution of stellar density pro-762

files. Three epochs are selected (1.0, 0.5, 0.0 Myr before763

an IMBH forms) to capture the final stages of the VMS life-764

time, when stellar mergers occur most frequently. As shown765

in previous studies (Ardi et al. 2008; Fujii et al. 2024), a core766

density exceeding ∼ 106 M⊙ pc−3 is a prerequisite for trig-767

gering runaway stellar collisions. Our results confirm that768

all simulated clusters satisfy this criterion across the plotted769

epochs, indicating that VMS formation is a natural outcome770

in these environments. Specifically, the lower-turbulence771

models (αvir = 1.0 and 1.5) sustain extremely high densities772

above the 106 M⊙ pc−3 threshold throughout the inner 0.1 pc,773

and peak at ∼ 107 M⊙ pc−3. In contrast, the high-turbulence774

models (αvir = 3.0) show significantly lower densities. They775

attain the critical density only in the immediate vicinity of776

the center. Consequently, the denser environments in the777

low-turbulence models are far more conducive to the rapid778

sequence of mergers required to assemble massive VMSs.779

The mass evolution of the VMS that later collapses into780

an IMBH in each model is depicted in Figure 6. As dis-781
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Figure 6. Mass evolution of the VMS that later becomes an IMBH
in each model. VMSs exceeding 3000 M⊙ form in all cases except
in the most turbulent models (αvir = 3.0), where initial high turbu-
lence hinders bursty star formation (Figure 4). Additionally, models
with stronger wind feedback consistently yield less massive VMSs.
See Section 4.2 for more information.

cussed earlier, the rapid growth is driven by successive stel-782

lar collisions in every simulation. For models with αvir = 1.0783

and 1.5, the collision process exhibits true runaway char-784

acteristics, where the mass growth accelerates over time as785

successive mergers occur. Conversely, for the models with786

αvir = 3.0, the mass evolution is noticeably milder and more787

linear due to the highly turbulent initial gas cloud and the788

resulting lower star formation rate.789

The final VMS masses, measured immediately before col-790

lapsing into an IMBH, are listed in Table 1. These VMSs791

tend to be one of the most massive ones in the simulation792

volume, and at the end of the simulation only one IMBH is793

born in each model. Unlike the other runs where MVMS ex-794

ceeds 3000 M⊙, the most turbulent models (αvir = 3.0) pro-795

duce significantly less massive VMSs (MVMS < 600 M⊙), a796

consequence of their lower core densities observed in Fig-797

ure 5. We also notice that, at fixed initial virial parameter,798

stronger wind feedback consistently leads to slightly lower799

final VMS masses. In our simulations, strong wind feed-800

back from massive stars heats and expels surrounding gas,801

suppressing both the overall star formation rate and the final802

VMS mass. However, it does not entirely inhibit the forma-803

tion of the VMS. We attribute this resilience to the high initial804

density of the gas profile: while stellar wind feedback affects805

the system, it is insufficient to disrupt the central dense core806

where the majority of stars form and runaway collisions oc-807

cur.808

In Figure 7, the merger tree of the VMS that later becomes809

an IMBH in the run with αvir = 1.0 and vw = 500 km s−1 is810

presented. Note that the figure displays only the 28 merger811

events where the merging star is more massive than 50 M⊙.812
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Figure 7. Merger tree of the VMS that later becomes an IMBH in
the model with αvir = 1.0 and vw = 500 km s−1. Of the 2543 to-
tal stellar mergers, only the 28 events involving merging stars more
massive than 50 M⊙ are shown. The VMS progenitor, with an ini-
tial mass of 74.2 M⊙, grows to 5108 M⊙ through successive stellar
mergers. See Section 4.2 for more information.

Over a total lifetime of 2.5 Myr, 2543 stellar mergers drive813

the rapid growth of the VMS from an initial mass of 74.2 M⊙814

to a final mass of 5108 M⊙. The VMS exits the main se-815

quence at an age of ∼ 2.2 Myr, at which point its radius816

begins to increase significantly, reaching a maximum of ∼817

30 AU at the end of its life. However, we find that nearly half818

of all merger events occur during the main sequence phase819

(see Table 1). This indicates that the extreme central density820

of the star cluster is the primary driver of runaway collisions,821

rather than the increased cross-section of the VMS during822

its post-main sequence expansion. During the early evolu-823

tionary stage of VMS (t < 1.2 Myr), only 14 mergers occur,824

bringing the VMS mass to 407 M⊙; at this point, the central825

massive star cluster has not yet fully formed. At t ∼ 1.2 Myr,826

two sub-clusters merge to form a single, massive star clus-827

ter. During this event, the two massive VMSs (407 M⊙ and828

310 M⊙) merge. Following the assembly of the central clus-829

ter, a burst of star formation occurs (as shown in Figure 4),830

triggering intense runaway stellar collision onto the central831

VMS.832

4.3. After the VMSs Collapse: Formation and Evolution of833

IMBHs834

In this section, we focus on the evolution of the IMBH fol-835

lowing the collapse of the merger-induced VMS in two se-836

lected models. In every model presented in the previous sec-837

tion (Section 4.2), the VMS is sufficiently massive to avoid838

the PISN mass gap, resulting in direct collapse into an IMBH839

(Heger & Woosley 2002; Spera & Mapelli 2017). The re-840

lationship between the host cluster mass and the resulting841

IMBH mass is shown in Figure 8. For comparison, we in-842
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Figure 8. Relationship between the IMBH mass (MBH) and host
cluster mass (Mcl). Our simulation results are shown immediately
following the collapse of the VMS into an IMBH, with the cluster
mass defined as the total stellar mass within the simulation volume.
The same marker styles as in Figure 3 are used to represent the
simulated clusters in this work. For comparison, we include sim-
ulation data from Fujii et al. (2024); Rantala et al. (2025); Vergara
et al. (2025) and observational estimates for local globular clusters
(Lützgendorf et al. 2013; Kızıltan et al. 2017). While the IMBH
masses from this work and Fujii et al. (2024) typically fall within
1% – 10% of the host cluster mass, the extremely dense models
of Vergara et al. (2025) yield even higher mass ratios. Conversely,
both the hierarchical merger models of Rantala et al. (2025) and lo-
cal GCs generally exhibit mass fractions below 1%. See section 4.3
for more information.

clude data from other gas-cloud-to-cluster simulations (Fu-843

jii et al. 2024) and isolated star cluster simulations (Rantala844

et al. 2025; Vergara et al. 2025). We also plot observational845

estimates for Milky Way globular clusters (GCs) estimated846

to harbor IMBHs, including NGC 1851, NGC 1904 (M 79),847

NGC 5694, NGC 5824, NGC 6093 (M 80), and NGC 6266848

(M 62) (Lützgendorf et al. 2013), as well as NGC 104 (47849

Tuc) (Kızıltan et al. 2017).850

Most simulated IMBHs from Fujii et al. (2024) and this851

work fall within the range of 1% – 10 % of the total clus-852

ter mass. Models by Vergara et al. (2025), which employ853

extremely dense initial conditions (central densities up to854

∼ 1010 M⊙ pc−3), produce IMBHs exceeding 10% of the855

cluster mass. Conversely, the results from Rantala et al.856

(2025) show lower mass ratios; in their hierarchical merging857

scenario, runaway collisions occur in individual sub-clusters,858

and the resulting IMBHs often fail to merge or are ejected859

via gravitational recoil. Local GCs generally exhibit gener-860

ally lower MBH/Mcl ratios than those found in simulations. It861

is important to note that because GCs are ancient systems that862

have lost significant stellar mass through tidal stripping and863

evaporation (Baumgardt & Makino 2003; Gieles et al. 2011),864
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Figure 9. Mass evolution of the IMBH and its progenitor VMS,
tracked until the gas reservoir is effectively depleted. Two rep-
resentative models are selected to trace and study the evolution
of IMBHs. The vertical dotted lines mark the epoch when the
VMS collapses into an IMBH. Note that the mass growth of the
VMS is significantly more rapid than that of the IMBH. During the
IMBH phase, growth is driven by Edington-limited gas accretion
and TDEs, the latter causing occasional step-like increases in mass.
See Section 4.3 for more information.

their mass ratios at birth were likely even lower than ob-865

served today, highlighting a persistent discrepancy between866

runaway collision simulations and local observations.867

We investigate the subsequent evolution of these IMBHs868

until the continuous supernova feedback expels most of the869

remaining gas from the simulation domain. During the VMS870

phase, we consider stellar mergers as the sole mechanism871

for mass growth. However, following the collapse into an872

IMBH, it can grow via Eddington-limited gas accretion (Sec-873

tion 3.4.1) and tidal disruption accretion (Section 3.4.2).874

Figure 9 depicts the mass growth history of the IMBH875

and its progenitor VMS. In the model with αvir = 1.0 and876

vw = 500 km s−1, 2543 stellar mergers occur, leading to the877

formation of a VMS with MVMS = 5108 M⊙. In the second878

run with αvir = 1.5 and vw = 3000 km s−1, the VMS under-879

goes 1535 stellar mergers, reaching a final mass of 3299 M⊙.880

While the VMS phase is characterized by rapid growth driven881

by successive stellar mergers, the subsequent IMBH growth882

is significantly milder, despite having two feeding channels:883

gas accretion and TDEs. As defined in Section 3.4.2 (and884

also in Section 3.5), a merger or TDE occurs when the dis-885

tance between two objects is smaller than the sum of their886

stellar radii or the tidal radius, respectively. Since the phys-887

ical radius of a VMS is substantially larger than the tidal888

radius, Eq.(10), the VMS grows far more rapidly than the889

IMBH does. In the run with a more massive initial IMBH890

(αvir = 1.0 and vw = 500 km s−1), the 5108 M⊙ seed grows891

to 6747 M⊙ within 10 Myr, corresponding to a mean mass892
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Figure 10. Eccentricity versus stellar mass for stars disrupted by the IMBHs in two representative models: αvir = 1.0, vw = 500 km s−1 (left;
with more massive initial IMBH, 5108 M⊙) and αvir = 1.5, vw = 3000 km s−1 (right; with less massive initial IMBH, 3299 M⊙). The majority
of TDEs (71 % and 77 %, respectively) originate from bound orbits in both simulations. For the more massive IMBH (left), one unbound
event involves disrupted stars more massive than 8 M⊙. For the less massive IMBH (right), no stars more massive than 8 M⊙ are disrupted on
unbound orbits. See Section 4.3 for more information.

accretion rate of 1.64×10−4 M⊙ yr−1. In the run with a less893

massive IMBH, the 3299 M⊙ seed reaches 4153 M⊙ within894

7.4 Myr, yielding a mean rate of 1.15×10−4 M⊙ yr−1.895

In both simulations, we find that mass growth is primarily896

driven by gas accretion. Because the initial gas cloud and897

the resulting star cluster are sufficiently dense to retain a cold898

gas reservoir at the center, the IMBH accretes gas at the Ed-899

dington rate for most of the simulation time, until the gas is900

eventually expelled from the simulation domain by continu-901

ous supernova explosions.15 Additionally, we note that TDEs902

also make a substantial contribution, accounting for 23 % and903

34 % of total mass growth in the run with a more massive and904

less massive initial IMBH, respectively.905

Figure 10 shows the mass and eccentricity distributions of906

all TDEs. Because the central cluster and IMBH are more907

massive in the αvir = 1.0 model, the central gravitational po-908

tential is deeper, leading to a higher frequency of TDEs. In909

both models, the majority of TDEs originate from bound or-910

bits: 71 % for the αvir = 1.0, vw = 500 km s−1 model and911

77 % for the αvir = 1.5, vw = 3000 km s−1 model (here-912

after, values for the latter are given in parentheses). Although913

most TDEs originate from low-mass stars, 4.3 % (7.9 %)914

of events involve massive stars with M⋆ > 8 M⊙. Notably,915

these massive stars are disrupted predominantly on bound or-916

bits. Specifically, for the more massive IMBH (αvir = 1.0,917

15 For both models, the simulations were terminated when the remaining gas
mass dropped below 2% of the initial gas mass. At this stage, the BH
accretion rates had settled to a nearly constant value (Figure 9).

vw = 500 km s−1), only one massive star is disrupted on an918

unbound orbit, compared to 10 on bound orbits. For the less919

massive IMBH (αvir = 1.5, vw = 3000 km s−1), no massive920

stars are involved in unbound events, whereas 10 massive921

stars are disrupted on bound orbits. We attribute this to the922

efficient mass segregation of massive stars toward the cen-923

ter, where they are preferentially captured into bound orbits924

that subsequently decay via post-Newtonian energy dissipa-925

tion (see Appendix A). With half of the disrupted stellar mass926

accreting onto the IMBH and the rest being ejected (Section927

3.4.2), TDEs contribute a total of 380 M⊙ (294 M⊙) to the928

IMBH mass. Since unbound events are rare and typically in-929

volve lower-mass stars — contributing only 6.4 % (1.4 %) of930

the mass accreted via TDEs — bound events dominate the931

growth, accounting for 93.6 % (98.6 %).932

Figure 11 illustrates the temporal evolution of the TDE933

rates following the formation of the IMBH. Notably, the rate934

exhibits a sharp peak immediately after the IMBH forms,935

then gradually declines in both runs. This initial spike cor-936

responds to the rapid consumption of the pre-existing stel-937

lar population within the filled loss cone around the IMBH.938

Subsequently, dynamical heating driven by the IMBH and939

frequent close encounters injects kinetic energy into the sur-940

rounding environment, causing the cluster core to expand and941

the central density to decrease (Shapiro 1977; Heggie et al.942

2007; Rizzuto et al. 2023). Although quantifying the exact943

evolution of the core radius in our simulations is challenging944

due to the complex morphology introduced by merging sub-945

clusters and ongoing star formation, the decreasing TDE rate946
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Figure 11. TDE histogram. The time in x-axis is measured from
the epoch of the IMBH formation for each run. Since the IMBH is
more massive in the model with αvir = 1.0 and vw = 500 km s−1,
TDEs occur more frequently in this case. The TDE rate peaks
immediately after IMBH formation and then gradually decreases
in both cases. Note that we ended the αvir = 1.5 simulation at
tIMBH = 7.4 Myr. See Section 4.3 for more information.

serves as a strong indicator of this central density depletion947

and dynamical relaxation.948

In addition to the central IMBH, our simulations produce949

a population of stellar-mass compact objects. In principle,950

these objects could participate in TDEs, BH-BH mergers, or951

BH-IMBH mergers. However, due to the limited simulation952

timescale, we detected no BH-BH mergers or TDEs involv-953

ing stellar-mass remnants (see Section 3.5), nor did these954

remnants contribute to the evolution of the IMBH. The for-955

mation and distribution of the stellar-mass BHs are further956

discussed in Appendix B.957

958

5. DISCUSSION959

5.1. Sensitivity of the Star Cluster Evolution on the Initial960

Gas Profiles961

To model dense star clusters and investigate the formation962

of VMSs, we initialize turbulent gas clouds following the963

density profile defined in Eq.(1). This profile serves as our964

fiducial model, selected due to the lack of observational con-965

straints on the precise internal structure of high-redshift clus-966

ter progenitors. To quantify how the initial density distribu-967

tion affects cluster assembly and runaway collisions, we also968

test an initial condition following a Plummer profile (Plum-969

mer 1911):970

ρ(r) = ρc

(
1+

r2

a2

)−5/2

, (12)971

where ρc = 3Mcl/(4πa3). We adopt parameters ρc = 2.42×972

1020 g cm−3 and a = 5 pc to ensure the total gas mass within973

the simulation box matches that of the fiducial models. The974

wind velocity for massive stars is fixed to 500 km s−1 and we975

run 3 simulations with different initial turbulence of αvir =976

1.0, 1.5, and 3.0.977

Figure 12 displays the stellar density profiles of our simu-978

lations immediately prior to the VMS collapse, overlaid with979

their best-fit Plummer and Elson-Fall-Freeman (EFF) pro-980

files (Elson et al. 1987). The EFF profile is defined as981

ρ(r) = ρ0

(
1+

r2

a2

)−(γ+1)/2

, (13)982

where the Plummer profile is a special case with γ = 4. In983

general, the simulated clusters are well described by Plum-984

mer profiles except in the innermost and outermost regions.985

However, for the fiducial model with αvir = 3.0, the density986

profile is poorly matched by the Plummer model because a987

cluster merger occurred immediately prior to the VMS col-988

lapse, leaving the main cluster in a dynamically unrelaxed989

state. For all models, EFF profiles provide a superior fit in990

the outer regions, with a best-fit power-law index of γ ∼ 3.991

The core regions remain difficult to fit with these standard992

analytic models because the simulated clusters develop cen-993

tral density cusps — the primary driver of runaway stellar994

collisions. These cusps drive the formation of VMSs with995

MVMS > 500 M⊙ regardless of the initial gas distribution.996

Notably, a denser initial gas profile does not necessarily yield997

a denser star cluster; the resulting massive clusters exhibit998

similar structural properties and VMS masses across differ-999

ent initial density models.1000

While our simulations demonstrate that different initial gas1001

profiles yield star clusters consistent with Plummer models,1002

confirming the exact gas distribution and resulting stellar dis-1003

tributions at high redshift remains challenging due to their1004

compact spatial scales. Furthermore, although we explored a1005

range of initial turbulence levels from the virial equilibrium1006

(αvir = 1.0) to a highly turbulent state (αvir = 3.0), the high-1007

redshift environment can be even more dynamic, driven by1008

frequent structural assemblies and intense gas inflows into1009

the central region of galaxies. For instance, Lahén et al.1010

(2025) simulated the merger of two gas-rich, low-metallicity1011

dwarf galaxies and found the formation of dense star clusters1012

reaching surface densities of ∼ 7×104 M⊙ pc−2 and hosting1013

a VMS of ∼ 1000 M⊙. To fully capture the realistic configu-1014

ration of these chaotic high-redshift environments, however,1015

cosmological simulations with individual-star resolution are1016

necessary (see Section 5.3).1017

5.2. Extrapolated Mass Evolution for IMBH1018

Due to the high computational cost of resolving individual1019

stars, our simulations employ small, isolated volumes with-1020

out cosmological gas inflows. Consequently, gas accretion1021

onto the IMBH is quenched after ∼ 10 Myr once supernova1022
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Figure 12. Stellar density profiles with best-fit Plummer (dotted lines) and EFF models (gray, dashed lines) immediately prior to the VMS
collapse — for the fiducial initial gas distribution (top; Eq.(1)) and the Plummer initial gas distribution (bottom; Eq.(12)). The best-fit parameters
for the Plummer models (Mcl and a), parameters for the EFF models (γ and a), and the resulting VMS (IMBH progenitor) mass are indicated in
each panel. By the time the VMS collapses into an IMBH, most simulations show a density structure broadly consistent with a Plummer profile
in the intermediate regions, while the EFF profiles provide a superior fit to the outer envelopes. A notable exception is the fiducial model with
αvir = 3.0 (top right), which is poorly fitted by a Plummer profile due to an ongoing sub-cluster merger. For the Plummer model with αvir = 3.0
(bottom right), the best-fit EFF model is consistent with the Plummer model. See Section 5.1 for more information.

feedback expels the initial gas reservoir. However, high-1023

redshift star clusters likely reside in gas-rich, dynamically1024

active environments where galaxy mergers and cold streams1025

replenish the gas supply (Di Matteo et al. 2005; Dekel et al.1026

2009). To estimate the further evolution of these IMBHs, we1027

analytically extrapolate their growth assuming a gas-rich en-1028

vironment. While gas accretion at the Eddington rate remains1029

the dominant growth mechanism in our model (see Section1030

4.3), we also include a constant TDE-driven accretion rate1031

for our extrapolation as well. In our isolated simulations,1032

the TDE-driven mass accretion rate naturally declines after1033

star formation quenches, as the population of massive stars1034

decreases due to their short lifetime. In reality, continuous1035

gas inflows could sustain star formation, and cluster mergers1036

could increase the central stellar density, maintaining — or1037

potentially even boosting — the TDE rate.1038

Figure 13 illustrates the estimated evolution of the IMBH1039

over the next 100 Myr, starting from the most massive IMBH1040

(MBH = 6747 M⊙) found in our simulation suite (in the run1041

with αvir = 1.0 and vw = 500 km s−1). We adopt a constant1042

tidal disruption accretion rate of 3.82 × 10−5 M⊙ yr−1 de-1043

rived from the 380 M⊙ accreted via 254 TDEs over 9.96 Myr1044

(see Section 4.3). We compare four distinct growth scenar-1045

ios: (1) TDE accretion only; (2) gas accretion only at the1046

Eddington rate; (3) combined TDE and Eddington accre-1047

tion; and (4) combined TDE and super-Eddington accretion1048

(3×ṀEdd). For the last case, we assume the super-Eddington1049

accretion lasts only 10 Myr, followed by standard Edding-1050

ton accretion for the remaining 90 Myr, as high accretion1051

rates likely trigger strong AGN feedback that suppresses fur-1052

ther inflow (Wu et al. 2025). In the TDE-only scenario, the1053

IMBH of 6747 M⊙ is estimated to grow to 10562 M⊙ within1054

100 Myr. With Eddington accretion alone, the IMBH reaches1055

a mass of 49742 M⊙. When TDEs are coupled with Ed-1056

dington accretion, the black hole grows more rapidly, reach-1057

ing 61912 M⊙. Finally, in the super-Eddington scenario, the1058

IMBH evolves to 86731 M⊙, demonstrating that even short1059

phases of super-Eddington accretion can dramatically accel-1060

erate IMBH evolution. With such high masses, these objects1061

are capable of serving as a seed for a SMBH in the early Uni-1062

verse.1063

Furthermore, recent JWST observations have revealed a1064

population of high-redshift sources, which is called the Lit-1065

tle Red Dots (LRDs; Kocevski et al. 2023; Harikane et al.1066
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Figure 13. Projected mass growth of the IMBH over the next
100 Myr. The gray line shows the simulated mass evolution of the
most massive IMBH formed in our suite (reaching MBH = 6747 M⊙
from the run with αvir = 1.0 and vw = 500 km s−1) up to the end of
the run. For the extrapolation, we assume a constant TDE accretion
rate of 3.82×10−5 M⊙ yr−1. The cyan dotted line (squares) shows
growth driven by TDEs only; the purple dashed line (triangles) as-
sumes gas accretion at the Eddington rate only; and the green solid
line (circles) combines both TDE and Eddington accretion. The red
dash-dotted line (diamonds) represents a super-Eddington scenario:
it combines the constant TDE rate with gas accretion at three times
the Eddington rate for the first 10 Myr, followed by standard Ed-
dington accretion for the remaining 90 Myr. See Section 5.2 for
more information.

2023; Matthee et al. 2024; Kokorev et al. 2024). While the1067

exact origin of LRDs is not fully understood, the stellar in-1068

terpretation suggests they are intensely star-forming dusty1069

galaxies with extreme central stellar densities — the condi-1070

tions where runaway mergers are expected to occur (Guia1071

et al. 2024; Akins et al. 2025; Rantala 2026). We argue that1072

IMBHs could naturally form and rapidly evolve within such1073

environments, potentially explaining the compact nature of1074

LRDs under this scenario (Pacucci et al. 2025; Escala et al.1075

2025).1076

While we simply assumed constant TDE rates, dynamic1077

processes such as cluster mergers and star formation bursts1078

driven by intense gas inflows could significantly enhance1079

the TDE rates over time. Furthermore, the merger of mas-1080

sive clusters could lead to the coalescence of their central1081

IMBHs, providing an additional growth channel. Conse-1082

quently, our current estimates likely represent a conservative1083

lower limit on the evolution of IMBHs. While AGN feedback1084

by SMBHs might suppress the gas inflow (Di Matteo et al.1085

2005; Fabian 2012), we argue that IMBHs can sustain the gas1086

accretion at the Eddington rate, provided they reside in galac-1087

tic centers fed by steady, dense gas inflows that overwhelm1088

the thermal feedback from relatively low-mass IMBHs (In-1089

ayoshi et al. 2016; Takeo et al. 2020).1090

5.3. Future Work1091

We plan to extend our simulation framework to study the1092

formation and evolution of SMBH seeds in more realistic1093

contexts. The specific objectives are as follows:1094

• Running fully cosmological zoom-in simulations. In1095

this study, we performed simulations using isolated1096

gas clouds with initialized turbulence to approximate1097

the physical conditions of the high-redshift Universe.1098

However, isolated setups cannot fully capture the com-1099

plex assembly history of early galaxies, such as con-1100

tinuous cold gas accretion, external tidal fields, and hi-1101

erarchical mergers. In future studies, we will employ1102

cosmological zoom-in simulations to self-consistently1103

include these environmental factors. This will allow1104

us to capture the formation of specific dense environ-1105

ments — such as proto-globular clusters resembling1106

the Cosmic Gems clusters (Adamo et al. 2024; Bradley1107

et al. 2025; Vanzella et al. 2025) or proto-nuclear star1108

clusters — that naturally foster the extreme densities1109

required to trigger runaway stellar collisions.1110

• Implementing Pop III physics and radiative transfer.1111

To accurately identify the formation of dense stellar1112

systems at high redshift, it is necessary to incorpo-1113

rate appropriate Pop III physics. Furthermore, accu-1114

rate radiative feedback is critical, as the intense radi-1115

ation fields from massive stars can heat the gas and1116

alter subsequent star formation. While the present1117

study utilized a simplified HII region feedback model1118

(see Section 3.3.2), future work requires a more rig-1119

orous treatment, such as adaptive ray-tracing radiative1120

transfer. Adopting the AEOS physics module (Brauer1121

et al. 2025) can be a good option. Specifically, we1122

plan to couple AEOS with the stellar evolution code1123

SEVN, ensuring that individual stellar evolution, radia-1124

tion, and feedback are treated self-consistently within1125

the Enzo-Abyss framework. We will be able to track1126

detailed stellar yields, specifically from VMS winds1127

and TDEs, by following individual metal species. Ul-1128

timately, we aim to investigate nitrogen enrichment in1129

dense stellar environments and compare our predic-1130

tions with observations of high-z, nitrogen-enhanced1131

galaxies such as GN-z11 (Oesch et al. 2016; Cameron1132

et al. 2023) and CEERS-1019 (Larson et al. 2023;1133

Marques-Chaves et al. 2024).1134

6. SUMMARY AND CONCLUSION1135

We introduce an updated version of Enzo-Abyss, a hydro-1136

dynamics code employing a direct N-body method to accu-1137

rately resolve gravitational dynamics between stars. To fol-1138

low individual stars down to a mass of 0.08 M⊙, we couple1139
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the code with the external libraries, such as SDAR for accu-1140

rate few-body dynamics and SEVN for individual stellar evo-1141

lution. Using this framework, we model centrally dense gas1142

clouds with a total mass of 1.75×105 M⊙ and varying levels1143

of initial turbulence (αvir = 1.0, 1.5, and 3.0) and stellar wind1144

feedback strength to investigate the formation of massive star1145

clusters that resemble the compact systems observed at high1146

redshift. Our key findings are as follows:1147

• Massive star clusters with masses ranging from 2.7×1148

104 M⊙ to 8.8 × 104 M⊙ form within 4 Myr of the1149

first star formation event (Section 4.1). Regardless of1150

the initial gas density profile, the resulting clusters are1151

well fitted by Plummer profiles (Section 5.1). Their1152

half-mass radii are smaller than 1 pc, and their surface1153

densities lie in the range of 5× 103 M⊙ pc−2 ≤ Σ ≤1154

3× 105 M⊙ pc−2. These structural properties are di-1155

rectly comparable to the high-z star clusters identified1156

in recent JWST observations.1157

• In the dense cores of massive star clusters, VMSs1158

can form via runaway collisions if central densities1159

are consistently maintained above ∼ 106 M⊙ pc−3, a1160

threshold proposed by Ardi et al. (2008) and Fujii et al.1161

(2024). In our simulations, models with αvir = 1.0 and1162

1.5 satisfy this criterion, forming VMSs with masses1163

exceeding 3000 M⊙ (Section 4.2). In contrast, the1164

αvir = 3.0 models barely reach this density thresh-1165

old, doing so only in the innermost regions. Conse-1166

quently, significantly lighter VMSs form in these cases1167

(< 600 M⊙.) Nevertheless, even these lower-mass1168

VMSs are sufficiently massive to avoid the PISN gap1169

and directly collapse into IMBHs.1170

• After the VMSs collapse into IMBHs, IMBHs evolve1171

via gas accretion and TDEs. Supported by the cold1172

gas reservoir within the massive star clusters, IMBHs1173

accrete gas at the Eddington rate until successive su-1174

pernova explosions expel most of the remaining gas1175

(Section 4.3). In one simulation with the 5108 M⊙1176

IMBH, we find an average accretion rate of 1.64 ×1177

10−4 M⊙ yr−1 over a period of 10 Myr. We identify1178

254 TDEs, which account for 23 % of the total ac-1179

creted mass; notably, 71 % of these events originate1180

from bound orbits.1181

• We extrapolate the IMBH evolution to another1182

100 Myr by combining a constant TDE rate derived1183

from our simulations with continuous gas accretion1184

at the Eddington rate, assuming a gas-rich environ-1185

ment with frequent structural assemblies and steady1186

gas flows into the young NSCs at high redshift (Sec-1187

tion 5.2). Under these conditions, the 6747 M⊙ IMBH1188

reaches 61912 M⊙ within 100 Myr. If we further as-1189

sume that a super-Eddington accretion rate (3× ṀEdd)1190

is sustained for the initial 10 Myr, the final mass in-1191

creases to 86731 M⊙. We argue that IMBHs formed1192

in dense NSCs can rapidly grow via gas accretion and1193

TDEs, offering a plausible pathway for seeding high-1194

redshift SMBHs.1195

Using a single self-consistent framework that incorporates1196

all relevant physical processes, we successfully demonstrate1197

how VMSs form in the cores of massive star clusters, col-1198

lapse into IMBHs, and subsequently evolve via gas accretion1199

and TDEs. However, the detailed gas distribution and the1200

precise structure of the cluster cores remain difficult to con-1201

strain due to the limitation of spatial resolution of current1202

observations. Future work will address this by integrating1203

our direct N-body algorithms into high-resolution cosmolog-1204

ical zoom-in simulations. This approach will enable more1205

realistic initial conditions and allow us to investigate IMBH1206

formation within a fully cosmological context.1207
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APPENDIX1221

A. ORBIT AVERAGED POST-NEWTONIAN1222

CORRECTIONS1223

Compact binary systems lose orbital energy through the1224

emission of gravitational waves (GWs), causing their orbits1225

to shrink and the components to eventually coalesce. To1226

account for this general relativistic effect, we apply post-1227

Newtonian corrections to the orbital parameters. Following1228

the orbital integration step in SDAR, we apply orbit-averaged1229

post-Newtonian corrections to the semi-major axis (a) and1230
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Figure 14. Distribution of stellar-mass BH remnant masses as a
function of their formation time. The markers distinguish the rem-
nant formation channels: PISN (green cross), DCBH (orange cir-
cles), and CCSN (blue triangles). The numbers in the legend indi-
cate the total count of events for each channel. DCBH events (failed
supernovae) dominate the early epoch (t ≲ 8 Myr) and produce
more massive remnants (MBH ≳ 30 M⊙), whereas CCSN events oc-
cur later and result in lower-mass BHs. The two PISN events at
t = 3.6 Myr and 5.1 Myr results in the total disruption of the star,
leaving no remnant. See Appendix B for more information.

eccentricity (e):1231

∆a =−64
5

G3m1m2(m1 +m2)

a3c5

1+ 73
24 e2 + 37

96 e4

(1− e2)7/2 ∆t (A1)1232

1233

∆e =−304
15

G3m1m2(m1 +m2)

a4c5

e+ 121
304 e3

(1− e2)5/2 ∆t, (A2)1234

where m1 and m2 are the masses of the binary components1235

and ∆t is the integration timestep (Peters 1964).1236

B. STELLAR-MASS BH DISTRIBUTION1237

Figure 14 shows the mass and creation time of individual1238

stellar-mass BHs formed after the IMBH formation in the1239

model with αvir = 1.0 and vw = 500 km s−1. We identify1240

three distinct outcomes at the end of the stellar life cycle:1241

PISN explosion, direct collapse BH (DCBH) formation, and1242

BH formation accompanied by a CCSN. While lighter stars1243

would evolve into NSs or WDs, we do not observe them be-1244

cause the simulation duration is shorter than their lifetimes.1245

The first SN event occurs 3.6 Myr after the first star forma-1246

tion event. The progenitor star, formed via multiple stellar1247

mergers, had a ZAMS mass of 200 M⊙ and ended its life as1248

a PISN without leaving a remnant. At t = 4.8 Myr, the first1249

stellar-mass BH (46 M⊙) formed from a progenitor with an1250

initial mass of 106 M⊙. With a fallback fraction of 1.0, this1251

star produced no supernova and collapsed directly into a BH.1252

The first CCSN was delayed until 8.0 Myr after the first star1253

Figure 15. Projected spatial distribution of stars (grey dots) and
stellar-mass BHs (red circles) in the central region of the cluster.
The arrows indicate the projected velocity vectors of the BHs, with
a reference scale of 20 km s−1 shown in the bottom left. The BH
population consists of 48 DCBHs and 50 CCSN remnants. While
the majority of remnants remain gravitationally bound in the clus-
ter core, a subset of BHs exhibits high velocities and large radial
offsets, driven by the natal kicks received during CCSNe. See Ap-
pendix B for more information.

formation. Thereafter, a series of 113 CCSNe occurred over1254

the next 4.6 Myr, effectively clearing the gas from the simu-1255

lation volume.1256

For BHs formed via CCSN events, we apply natal kicks1257

calculated in SEVN following the method of Giacobbo &1258

Mapelli (2020). The magnitude of the kick is given by1259

vkick = fH05
mej

⟨mej⟩
⟨mNS⟩
mrem

, (B3)1260

where fH05 is drawn randomly from a Maxwellian distribu-1261

tion with σ = 265 km s−1 (Hobbs et al. 2005), mej is the1262

ejecta mass, mrem is the remnant mass, and ⟨mej⟩ = 9 M⊙1263

and ⟨mNS⟩ = 1.2 M⊙ are the average ejecta and NS masses,1264

respectively (see Giacobbo & Mapelli (2020) for details).1265

Consequently, massive BHs with high fallback fractions (low1266

ejecta mass) receive negligible kicks. In contrast, lower-mass1267

BHs with low fallback fraction receive significantly larger1268

kicks (vkick > 100 km s−1), often sufficient to escape the clus-1269

ter. We note that recent reassessments of pulsar distances1270

(e.g., Verbunt et al. 2017; Igoshev 2020; Disberg & Mandel1271

2025) suggest that the Hobbs et al. (2005) analysis may be1272

subject to systematic errors, favoring significantly lower kick1273

velocities. If lower natal kicks were adopted, the retention1274
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fraction of lower-mass BHs in our simulations would likely1275

increase. However, to remain consistent with the current im-1276

plementation of SEVN and Giacobbo & Mapelli (2020), we1277

retain the Hobbs et al. (2005) baseline for this study.1278

Figure 15 shows the spatial distribution of stellar BHs with1279

their velocities at the final snapshot (t = 13.22 Myr) in the1280

model with αvir = 1.0 and vw = 500 km s−1. Consistent with1281

mass segregation, the majority of BHs reside in the central1282

region. However, we also observe a number of escaping1283

BHs, in addition to 68 that have already completely exited1284

the simulation box. Of the 114 BHs formed via CCSN, only1285

50 remain within the simulation volume. In contrast, only1286

4 DCBHs have exited the domain; although DCBHs do not1287

receive natal kicks, they can still be ejected via dynamical1288

interactions, such as three-body encounters or gravitational1289

slingshots involving the central IMBH.1290
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Neumayer, N., Seth, A., & Böker, T. 2020, A&A Rv, 28, 4,1492

doi: 10.1007/s00159-020-00125-01493

Nguyen, C. T., Costa, G., Girardi, L., et al. 2022, A&A, 665, A126,1494

doi: 10.1051/0004-6361/2022441661495

Oesch, P. A., Brammer, G., van Dokkum, P. G., et al. 2016, ApJ,1496

819, 129, doi: 10.3847/0004-637X/819/2/1291497

Pacucci, F., Hernquist, L., & Fujii, M. 2025, ApJ, 994, 40,1498

doi: 10.3847/1538-4357/ae16191499

Peters, P. C. 1964, Physical Review, 136, 1224,1500

doi: 10.1103/PhysRev.136.B12241501

Plummer, H. C. 1911, MNRAS, 71, 460,1502

doi: 10.1093/mnras/71.5.4601503

Polak, B., Mac Low, M.-M., Klessen, R. S., et al. 2024, A&A, 690,1504

A94, doi: 10.1051/0004-6361/2023488401505

Portegies Zwart, S. F., Baumgardt, H., Hut, P., Makino, J., &1506

McMillan, S. L. W. 2004, Nature, 428, 724,1507

doi: 10.1038/nature024481508

Portegies Zwart, S. F., & McMillan, S. L. W. 2002, ApJ, 576, 899,1509

doi: 10.1086/3417981510

Portegies Zwart, S. F., & Verbunt, F. 1996, A&A, 309, 1791511

Preto, M., & Tremaine, S. 1999, AJ, 118, 2532,1512

doi: 10.1086/3011021513

Quinlan, G. D., & Shapiro, S. L. 1990, ApJ, 356, 483,1514

doi: 10.1086/1688561515

Rantala, A. 2026, arXiv e-prints, arXiv:2604.22924,1516

doi: 10.48550/arXiv.2604.229241517

Rantala, A., Lahén, N., Naab, T., Escobar, G. J., & Iorio, G. 2025,1518

MNRAS, 543, 2130, doi: 10.1093/mnras/staf15191519

Rantala, A., & Naab, T. 2025, MNRAS, 542, L78,1520

doi: 10.1093/mnrasl/slaf0641521

Rantala, A., Naab, T., & Lahén, N. 2024, MNRAS, 531, 3770,1522

doi: 10.1093/mnras/stae14131523

Rantala, A., Naab, T., Rizzuto, F. P., et al. 2023, MNRAS, 522,1524

5180, doi: 10.1093/mnras/stad13601525

Rantala, A., Naab, T., & Springel, V. 2021, MNRAS, 502, 5546,1526

doi: 10.1093/mnras/stab0571527

Rees, M. J. 1988, Nature, 333, 523, doi: 10.1038/333523a01528

Rizzuto, F. P., Naab, T., Rantala, A., et al. 2023, MNRAS, 521,1529

2930, doi: 10.1093/mnras/stad7341530

Sanders, R. H. 1970, ApJ, 162, 791, doi: 10.1086/1507111531

Shakura, N. I., & Sunyaev, R. A. 1973, A&A, 24, 3371532

Shapiro, S. L. 1977, ApJ, 217, 281, doi: 10.1086/1555771533

Simpson, C. M., Bryan, G. L., Hummels, C., & Ostriker, J. P. 2015,1534

ApJ, 809, 69, doi: 10.1088/0004-637X/809/1/691535

Smith, B. D., Bryan, G. L., Glover, S. C. O., et al. 2017, MNRAS,1536

466, 2217, doi: 10.1093/mnras/stw32911537

Spera, M., & Mapelli, M. 2017, MNRAS, 470, 4739,1538

doi: 10.1093/mnras/stx15761539

Spera, M., Mapelli, M., & Bressan, A. 2015, MNRAS, 451, 4086,1540

doi: 10.1093/mnras/stv11611541

Springel, V., Di Matteo, T., & Hernquist, L. 2005, MNRAS, 361,1542

776, doi: 10.1111/j.1365-2966.2005.09238.x1543

Strubbe, L. E., & Quataert, E. 2009, MNRAS, 400, 2070,1544

doi: 10.1111/j.1365-2966.2009.15599.x1545

Takeo, E., Inayoshi, K., & Mineshige, S. 2020, MNRAS, 497, 302,1546

doi: 10.1093/mnras/staa19061547

Tanikawa, A., Yoshida, T., Kinugawa, T., Takahashi, K., & Umeda,1548

H. 2020, MNRAS, 495, 4170, doi: 10.1093/mnras/staa14171549

Toonen, S., Nelemans, G., & Portegies Zwart, S. 2012, A&A, 546,1550

A70, doi: 10.1051/0004-6361/2012189661551

Toro, E. F., Spruce, M., & Speares, W. 1994, Shock Waves, 4, 25,1552

doi: 10.1007/BF014146291553

Truelove, J. K., Klein, R. I., McKee, C. F., et al. 1997, ApJL, 489,1554

L179, doi: 10.1086/3109751555

van Donkelaar, F., Mayer, L., Capelo, P. R., Sijacki, D., & Adamo,1556

A. 2026, arXiv e-prints, arXiv:2601.05333,1557

doi: 10.48550/arXiv.2601.053331558

Vanzella, E., Claeyssens, A., Welch, B., et al. 2023, ApJ, 945, 53,1559

doi: 10.3847/1538-4357/acb59a1560

Vanzella, E., Messa, M., Adamo, A., et al. 2025, arXiv e-prints,1561

arXiv:2507.18699, doi: 10.48550/arXiv.2507.186991562

Verbunt, F., Igoshev, A., & Cator, E. 2017, A&A, 608, A57,1563

doi: 10.1051/0004-6361/2017315181564

http://doi.org/10.1051/0004-6361/202347640
http://doi.org/10.3847/1538-4357/ab584d
http://doi.org/10.48550/arXiv.2604.21493
http://doi.org/10.1051/0004-6361/202347411
http://doi.org/10.3847/1538-4357/ad2345
http://doi.org/10.3847/2041-8213/adadfe
http://doi.org/10.1051/0004-6361/202451695
http://doi.org/10.48550/arXiv.2507.18705
http://doi.org/10.1007/BF00728347
http://doi.org/10.1046/j.1365-8711.1999.02982.x
http://doi.org/10.1038/s41586-024-08293-0
http://doi.org/10.1051/0004-6361/202452090
http://doi.org/10.1007/s00159-020-00125-0
http://doi.org/10.1051/0004-6361/202244166
http://doi.org/10.3847/0004-637X/819/2/129
http://doi.org/10.3847/1538-4357/ae1619
http://doi.org/10.1103/PhysRev.136.B1224
http://doi.org/10.1093/mnras/71.5.460
http://doi.org/10.1051/0004-6361/202348840
http://doi.org/10.1038/nature02448
http://doi.org/10.1086/341798
http://doi.org/10.1086/301102
http://doi.org/10.1086/168856
http://doi.org/10.48550/arXiv.2604.22924
http://doi.org/10.1093/mnras/staf1519
http://doi.org/10.1093/mnrasl/slaf064
http://doi.org/10.1093/mnras/stae1413
http://doi.org/10.1093/mnras/stad1360
http://doi.org/10.1093/mnras/stab057
http://doi.org/10.1038/333523a0
http://doi.org/10.1093/mnras/stad734
http://doi.org/10.1086/150711
http://doi.org/10.1086/155577
http://doi.org/10.1088/0004-637X/809/1/69
http://doi.org/10.1093/mnras/stw3291
http://doi.org/10.1093/mnras/stx1576
http://doi.org/10.1093/mnras/stv1161
http://doi.org/10.1111/j.1365-2966.2005.09238.x
http://doi.org/10.1111/j.1365-2966.2009.15599.x
http://doi.org/10.1093/mnras/staa1906
http://doi.org/10.1093/mnras/staa1417
http://doi.org/10.1051/0004-6361/201218966
http://doi.org/10.1007/BF01414629
http://doi.org/10.1086/310975
http://doi.org/10.48550/arXiv.2601.05333
http://doi.org/10.3847/1538-4357/acb59a
http://doi.org/10.48550/arXiv.2507.18699
http://doi.org/10.1051/0004-6361/201731518


FROM DENSE GAS CLOUDS TO SUPERMASSIVE BLACK HOLE SEEDS 23

Vergara, M. C., Askar, A., Flammini Dotti, F., et al. 2025, arXiv1565

e-prints, arXiv:2508.14260, doi: 10.48550/arXiv.2508.142601566

Volonteri, M. 2010, A&A Rv, 18, 279,1567

doi: 10.1007/s00159-010-0029-x1568

Volonteri, M., Haardt, F., & Madau, P. 2003, ApJ, 582, 559,1569

doi: 10.1086/3446751570

Volonteri, M., & Rees, M. J. 2005, ApJ, 633, 624,1571

doi: 10.1086/4665211572

Wall, J. E., Mac Low, M.-M., McMillan, S. L. W., et al. 2020, ApJ,1573

904, 192, doi: 10.3847/1538-4357/abc0111574

Wang, L., Iwasawa, M., Nitadori, K., & Makino, J. 2020a,1575

MNRAS, 497, 536, doi: 10.1093/mnras/staa19151576

Wang, L., Nitadori, K., & Makino, J. 2020b, MNRAS, 493, 3398,1577

doi: 10.1093/mnras/staa4801578

Wang, L., Spurzem, R., Aarseth, S., et al. 2015, MNRAS, 450,1579

4070, doi: 10.1093/mnras/stv8171580

Wang, P., Li, Z.-Y., Abel, T., & Nakamura, F. 2010, ApJ, 709, 27,1581

doi: 10.1088/0004-637X/709/1/271582

Wise, J. H., & Abel, T. 2011, MNRAS, 414, 3458,1583

doi: 10.1111/j.1365-2966.2011.18646.x1584

Woosley, S. E. 2017, ApJ, 836, 244,1585

doi: 10.3847/1538-4357/836/2/2441586

Wu, Z., Cen, R., & Teyssier, R. 2025, ApJL, 993, L48,1587

doi: 10.3847/2041-8213/ae14d41588
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