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ABSTRACT
We study the magnetic field evolution of an isolated spiral galaxy, using isolated Milky Way-mass galaxy

formation simulations and a novel prescription for magnetohydrodynamic (MHD) supernova feedback. Our
main result is that a galactic dynamo can be seeded and driven by supernova explosions, resulting in magnetic
fields whose strength and morphology is consistent with observations. In our model, supernovae supply ther-
mal energy, and a low level magnetic field along with their ejecta. The thermal expansion drives turbulence,
which serves a dual role by efficiently mixing the magnetic field into the interstellar medium, and amplifying
it by means of turbulent dynamo. The computational prescription for MHD supernova feedback has been im-
plemented within the publicly available ENZO code, and is fully described in this paper. This improves upon
ENZO’s existing modules for hydrodynamic feedback from stars and active galaxies. We find that the field at-
tains µG-levels over Gyr-time scales throughout the disk. The field also develops large-scale structure, which
appears to be correlated with the disk’s spiral arm density structure. We find that seeding of the galactic dy-
namo by supernova ejecta predicts a persistent correlation between gas metallicity and magnetic field strength.
We also generate all-sky maps of the Faraday rotation measure from the simulation-predicted magnetic field,
and present a direct comparison with observations.
Subject headings: magnetohydrodynamics — turbulence — magnetic fields —

1. INTRODUCTION

Magnetic fields exist throughout all types of galaxies. In
spiral galaxies like our own, the fields typically attain sev-
eral µG in strength, and exhibit long-range structure through-
out the disk (see e.g. Beck 2009, 2015, for recent reviews).
The processes by which these fields have originated, and how
they influence their host galaxy’s evolution remains the sub-
ject of intense observational and theoretical research. On the
one hand, understanding the build-up of magnetic field by the
galactic flow (the dynamo problem, see e.g. Moffatt 1978;
Parker 1979) poses significant analytical and computational
challenges. On the other, a galaxy’s magnetic field influences
its pressure and flow profiles (Elstner et al. 2014), rate of star
formation (Van Loo et al. 2014; Federrath & Klessen 2012,
2013; Federrath 2015), and cosmic ray transport processes
(e.g. Strong et al. 2007). The co-evolution of galaxies and
their magnetic fields is thus a complex and deeply significant
problem.

The history of our galaxy’s magnetic field certainly in-
cludes a type of dynamo process, which has enhanced a pre-
existing “seed” magnetic field and now maintains it at near-
equipartition levels. It has long been appreciated that if the
dynamo’s exponential folding time is the galactic rotation pe-
riod, then it must have been seeded around the time of the
Milky Way’s formation at a level not less than ∼ 10−20 G
(Rees 1987). This has motivated extensive consideration of
early universe processes that might have magnetized the pri-
mordial plasma from which the galaxy formed. However, a
more modern view is that seeding by means of astrophysical
processes, such as battery mechanisms, kinetic instabilities,
or stellar feedback, would be of greater consequence than a
primordial seed field (e.g. Blackman 1998; Rees 2006). It is
also appreciated now that dynamo action is expected to grow
the magnetic field at the turbulent diffusion rate, which is sig-
nificantly faster than the orbital shear (Kulsrud & Anderson

1992).
In this paper we address the question of how the magnetic

field in a disk galaxy like the Milky Way would have evolved
under the influence of stellar feedback alone. Within this nar-
rative, the first significant magnetic fields would have been
generated by turbulent convection within the interiors of early
stars, and then dispersed by their winds or supernova explo-
sions. Such feedback would inject magnetized plasma into the
interstellar medium (ISM), while simultaneously driving tur-
bulence that acts to disperse and amplify the field. We are thus
investigating whether stars might have served as the seed for,
and also the engine of galactic dynamo action. Our main re-
sult will be that this scenario offers a compelling resolution to
the mystery of galactic magnetism, as it turns out to predict a
magnetic field whose strength and morphology are consistent
with what is known about the Milky Way’s magnetic field.

Our results are based on simulations of an initially unmag-
netized galactic disk, coupled with a realistic prescription for
star formation and magnetohydrodynamic (MHD) supernova
feedback. In this prescription, supernova events occur in pro-
portion to star formation activity, and provide localized injec-
tions of thermal energy, metal-rich material, and a low level
of toroidal magnetic field. This is in contrast to a number
of earlier studies in which supernovae were assumed to func-
tion strictly as sources of energetic cosmic rays (Hanasz et al.
2009; Siejkowski et al. 2014; Kulpa-Dybeł et al. 2011, 2015).
In this study, we will neglect the influence of cosmic rays, and
focus on the role of turbulence driven by supernovae through
their thermal feedback. The fact that we ignore the cosmic
rays, and yet recover results that are broadly consistent with
earlier studies, suggests that galactic magnetism is a robust
phenomenon, arising in response to several processes inde-
pendently.

This computational approach will allow us to flesh out a
number of details that have yet to be addressed within the
supernova-driven galactic dynamo scenario. First, we wish
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to understand whether seed fields that are supplied locally, in
small volumes around supernovae, can be mixed efficiently
throughout the disk. We anticipate that if this mixing is ef-
ficient, 1 then the outcome of our simulations may not dif-
fer dramatically from earlier ones in which a low-level seed
field was imposed uniformly on the initial data (Wang &
Abel 2009; Rieder & Teyssier 2016). We will also exam-
ine how seeding of magnetic fields by metal-rich supernova
ejecta might induce a persistent correlation between metallic-
ity and magnetism in the ISM. This is a non-trivial question
because metals and magnetic flux experience distinct types of
advective transport (scalar versus vector). Finally, there is the
question of whether a supernova-driven dynamo leads to the
development of large-scale magnetic structure. All of these
questions will be addressed in the present work.

There have been a good number of studies focused on other
aspects of the supernova-driven galactic dynamo. It has been
simulated in a localized setting, with and without the effects
of orbital shear (Gressel et al. 2008a,b). Global simulations
were carried out by Wang & Abel (2009), using ENZO to
study the formation and evolution of an isolated galaxy, onto
which a seed field of 10−9 G was imposed as part of the initial
data. While that paper provides valuable insight on galac-
tic magnetic field amplification, it does not include molecu-
lar cooling, star formation, or supernova feedback. Xu et al.
(2009) used magnetic AGN feedback in galaxy clusters to
show that turbulence in the ICM can amplify magnetic fields
to observed values. Schleicher et al. (2010) investigated mag-
netic field growth via the small-scale dynamo for Kolmogorov
and Burgers-type turbulence during the formation of the first
stars and galaxies. Dubois & Teyssier (2010) introduced a
more efficient method of including thermal supernova feed-
back in cosmological simulations using RAMSES and showed
that dwarf galaxies seeded by magnetized supernova bubbles
can attain magnetic fields of µG strength in 1 Gyr. (Teyssier
2002) and studied its effect on the evolution of different types
of galaxies. Beck et al. (2012) used the SPMHD code GAD-
GET (Springel et al. 2001) to show that a primordial seed
field can be amplified to equipartition strength in Milky-Way
type galactic halos during virialization with the help of a
small scale dynamo driven by supernova feedback. Pakmor
& Springel (2013) observed exponential magnetic field am-
plification using an improved MHD implementation AREPO
(Pakmor et al. 2011). However, instead of explicitly including
thermal supernova feedback, they incorporated feedback with
a modified equation of state. Rieder & Teyssier (2015) use
RAMSES to build upon the work of Dubois & Teyssier (2010)
and provide an in-depth study of the galactic amplification of
a primordial magnetic field in the presence of thermal super-
nova feedback. Though they demonstrate that the turbulence
created by supernova feedback drives the small-scale dynamo
that amplifies the original magnetic field, they do not include
magnetized supernova feedback.

Beck et al. (2013) incorporated magnetic seeding by su-
pernova remnants in cosmological zoom-in simulations us-
ing GADGET. In their model, they inject a dipolar magnetic
field in the range of 10−5−10−3 G into a volume of linear di-
mension 5 pc surrounding the supernova, which ultimately ex-
pands into a 25 pc radius bubble. The initial magnetic field is
amplified to µG strengths through turbulent dynamo resulting
from gravitational collapse, supernova feedback, and galactic

1 Simulations in a more idealized setting do suggest this is the case, see
Cho & Yoo (2012).

mergers. They point out that even if a primordial magnetic
seed field were present, it would have been washed out by
the stronger fields supplied by supernovae. The goals of Beck
et al. (2013) differ from our own in that their analysis focuses
on a protogalactic halo, before it develops into a disk. Here
we will study an isolated galactic disk, and neglect its merger
history. We also model our injected magnetic fields with a
toroidal geometry instead of poloidal, although we do not an-
ticipate this difference to be consequential. Finally, we note
that the inclusion of cosmic rays in simulations of galaxy for-
mation is quickly becoming feasible; algorithms that afford a
self-consistent treatment of the cosmic ray fluid within cos-
mological MHD frameworks have been described in Salem
et al. (2014); Pfrommer et al. (2016); Pakmor et al. (2016b,a).
Our choice to explore the role of thermal, as opposed to cos-
mic ray feedback processes, is based on a wish to understand
the minimal conditions from which galactic magnetic fields
are expected to arise.

Our paper is organized as follows. In §2, we describe our
prescription for stellar formation and feedback, devoting par-
ticular attention to the numerical details of the magnetic field
source term associated with the MHD supernova feedback.
In §3, we present the results of our simulations, including a
resolution study, images depicting the evolved magnetic field
morphology, time series of the galactic magnetic energy bud-
get, the power spectral distribution of magnetic energy, and
correlation of magnetic field strength with gas density and
metallicity. In §3.6 we present all-sky maps of the Faraday
rotation measure generated from simulation data. Our find-
ings are summarized in §5. There, we also draw comparisons
with other numerical studies, speculate as to the mechanism
by which our simulated galaxy develops its long-range mag-
netic field, and offer some reflection on the appearance of the
earliest galactic magnetic fields.

2. NUMERICAL METHODS

2.1. Refinement, Hydrodynamics, and Radiative Cooling
We conduct this study by simulating isolated disk galax-

ies at three different resolutions using ENZO, a multi-physics
cosmological magnetohydrodynamic (MHD) code that uses
adaptive mesh refinement technology (AMR; Collins et al.
2010; Bryan et al. 2014). ENZO includes a wide range of
relevant physics previously considered in galaxy-scale sim-
ulations (e.g. Kim et al. 2011, 2013a,b) some of which are
described in detail below.

The AMR function allows us to achieve higher resolutions
more efficiently by only fully resolving areas of interest, des-
ignated by baryon and particle overdensities. Effectively,
the entirety of our galactic disks were resolved at the high-
est level, while the outer edges of the simulation were able
to remain less resolved to conserve computing time. The
mass thresholds above which a cell is refined by factors of
two in each axis are Mref,gas = 2.15× 104M� and Mref,part =

1.72×106M� for gas and particles, respectively. In addition,
the local Jeans length is always resolved by at least four cells
to avoid artificial fragmentation (Truelove et al. 1997). We
use a variety of grid configurations, ranging from a 643 ini-
tial grid for a simulation box of 1.31 Mpc with 6 levels of
refinement, to a 1283 initial grid with 7 levels of refinement.
A combination of these grid conditions allows us to simulate
a galaxy (described in Table 1) with three different minimum
grid sizes of 320, 160, and 80 pc.

In order to solve the fluid conservation equations, we use
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FIG. 1.— Two-dimensional schematic overview of the life cycle of a star cluster particle and two channels of its feedback. Left: Star cluster particle formation
for an 80 pc resolution run (g80; see §2.2). Middle: Thermal feedback (see §2.3). Thermal energy by Type II supernova explosion is injected into the gas cell in
which a star cluster particle of age less than 120 Myr resides . Right: Magnetic feedback (see §2.4). Toroidal magnetic fields are seeded within three finest cells
from a star cluster particle.

TABLE 1
SIMULATION PARAMETERS

Run ID Minimum grid size (pc) Disk initial metallicity (Z�) Supernova magnetic feedback parameters a

L (pc) rcutoff (pc) τ (Myr) tcutoff (Myr) Etot,B (ergs)
g320 320 1.0 262 786 0.2 1 3.3×1048

g160 160 1.0 131 393 0.1 0.5 3.3×1048

g160LM 160 0.001 131 393 0.1 0.5 3.3×1048

g160LR 160 1.0 262 786 0.1 0.5 3.3×1048

g80 80 1.0 79 236 0.025 0.1 3.3×1048

g80LR 80 1.0 262 786 0.1 0.5 3.3×1048

aL and τ are the characteristic distance and time scale of a supernova magnetic feedback event, respectively. rcutoff and tcutoff are the cutoff distance and time for magnetic feedback
influence, respectively. Etot,B = σEtot corresponds to the total magnetic energy injected over all space and time per each supernova feedback event. For detailed explanation of these
magnetic feedback-related parameters, see §2.4.

a hyperbolic divergence cleaning approach with the MHD
method that is described in Dedner et al. (2002) and is ex-
tensively tested in ENZO by Wang & Abel (2009) with var-
ious set-ups including an idealized disk formation simula-
tion. In the work presented here, time integration is car-
ried out by the total variation diminishing (TVD) 2nd order
Runge-Kutta (RK) scheme (Shu & Osher 1988). Spatial re-
construction employs the piecewise linear method (PLM; van
Leer 1977), and the flux at cell interfaces is computed with
the local Lax-Friedrichs Riemann solver (LLF; Kurganov &
Tadmor 2000). A maximum 30% of the Courant-Friedrichs-
Lewy (CFL) timestep is used to advance any fluid element
in the simulation (i.e. hydrodynamic CFL safety number of
0.3). For a detailed description and testing of the MHD ma-
chinery we adopt, including the Dedner formulation of MHD
equations in ENZO, we refer interested readers to Wang et al.
(2008), Wang & Abel (2009), and references therein.

In addition, the gas in the ISM of our galaxy cools radia-
tively. Our equilibrium cooling follows pre-computed tabu-
lated cooling rates from the photoionization code CLOUDY
(Ferland et al. 2013) provided via the GRACKLE chemistry
and cooling library (Bryan et al. 2014; Kim et al. 2014), that
is plugged in to ENZO. The pre-computed look-up table in-
cludes metal cooling rates for solar abundances as a function
of gas density and temperature. These metal cooling rates will
be scaled linearly with the metallicity that is being traced as
a passive scalar field throughout our simulations. Uniform
photoelectric heating of 8.5×10−26 ergs−1cm−3 is also con-
sidered without self-shielding (Tasker & Bryan 2008). We

however do not include the photoionization heating by the
metagalactic ultraviolet background radiation from quasars
and galaxies, leaving it for future exploration of the galaxy
formation parameter space.

2.2. Star Cluster Particle Formation
The prescription for star formation and supernova feedback

follows the algorithm first described in Cen & Ostriker (1992)
with minor modifications. The finest cell (at the maximum
level of refinement) of size ∆x and gas density ρgas produces
a star cluster particle of initial mass Minit

SC = 0.1ρgas∆x3 if all
of the conditions below are met:

(a) the gas density is over 3.0×10−26 gcm−3,

(b) the gas flow is converging (velocity field has negative
divergence),

(c) the cooling time tcool is shorter than the gas dynamical
time tdyn of the cell,

(d) the cell mass is larger than the local Jeans mass (Jeans
unstable), and

(e) the cell has enough mass to create a particle of at least
Mthres = 3.0×105 M�.

There are some notable differences between these conditions
for star formation, and those adopted by other studies that
also utilized ENZO (e.g. Tasker & Bryan 2008). First, the
prefactor ∆t/tdyn in Equation 1 of Tasker & Bryan (2008) is
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removed in order not to leave any unresolved mass behind
when a star cluster particle is formed. Second, we do not
impose “stochastic star formation”. And third, once created,
a star cluster particle supplies thermal feedback (detailed be-
low) into its surroundings for a fixed period of 120Myr (rather
than 12 tdyn).

2.3. Supernova Feedback: Thermal Energy Injection

Of the initial mass of a star cluster particle deposited, Minit
SC ,

75% is eventually locked up in the particle after 12 tdyn. The
actual stellar mass, M∗, formed inside a star cluster particle is
described as a function of particle age t by

M∗(t) = 0.75Minit
SC

∫ t̄

0
t̄ ′e−t̄ ′ dt̄ ′ (1)

= 0.75Minit
SC

[
1− (1+ t̄)e−t̄

]
, (2)

where t̄ = t/tdyn.
Note that the actual stellar mass formation peaks at one dy-

namical time of the birthplace gas cell, tdyn. The rest of the
particle mass, 0.25 Minit

MC, gradually returns to the cell in which
the particle resides, along with 10−5 of the rest mass energy
of M∗ (see Figure 1). This models 1051 ergs of thermal en-
ergy per every 42 M� of actual stellar mass formed. It is
equivalent of Type II supernova explosion’s energy input and
is enough to replenish the energy loss in ISM due to radia-
tive cooling. Therefore, for a star cluster particle of initial
mass Minit

SC = Mthres = 3×105 M� which eventually produces
M∗ = 2.25× 105 M�, its supernova feedback event injects a
total thermal energy of Etot, th = 5.4×1054 ergs. As discussed
in §2.4, we will consider the case where the injected thermal
energy dominates the total supernova feedback energy budget
(i.e. Etot,B�Etot, th thus Etot'Etot, th). The ejecta mass blown
back into the gas phase of ISM is recycled in the next genera-
tion of star formation. 2% of the ejecta mass is considered to
be metals.

2.4. Supernova Feedback: Magnetic Field Injection
Balancing numerical resolution and the computational fea-

sibility of a simulation is one of the major challenges in large
numerical calculations. For this reason, in this work we aim to
build a prescription for the magnetic field injection by super-
nova remnants with a simple geometry that could accurately
be resolved by as few grid cells as possible. We propose that
the best approximation is to source a toroidal loop of magnetic
field around a star cluster particle (of mass∼ 3×105 M�) that
generates a supernova feedback event (see Figure 1 and §2.3).

The spatial and temporal evolution of the injected magnetic
energy is chosen to be

U̇B,source = τ
−1 B2

0
4π

R
L

e−r2/L2
e−t/τ(1− e−t/τ) (3)

where t is the star cluster particle age, R is the cylindrical ra-
dius, r is the spherical radius, and L and τ are the characteris-
tic distance and time scale of a supernova magnetic feedback
event, respectively. The time profile in Equation 3 increases
from zero at t = 0 to its characteristic value ∼ B2

0/τ around
t ∼ τ , and then declines exponentially to zero with decay con-
stant τ .

By integrating the magnetic energy of the source field over
all space and time, we acquire the expression for the normal-

ization factor B0 as

B2
0 =

64
3

σEtot

VSN
, (4)

where Etot is the total energy injected by a supernova feedback
event, σ is the proportion of the magnetic energy of the super-
nova to the total energy of the supernova, and VSN = 4

3 πL3 is
the volume of the supernova magnetic feedback event. Equa-
tions 3 and 4, combined with the relation U̇B,source = B · Ḃ/4π

and our assumption that injected magnetic field is toroidal
(along the randomly oriented local azimuthal unit vector êφ

for each event), yield an expression for the source term of
magnetic field,

Ḃsource = τ
−1B0

(
R
L

)1/2

e−r2/2L2
e−t/τ êφ .

In the presented simulations, we consider the case where
the injected thermal energy dominates the total supernova
feedback energy budget, that is, Etot,B � Etot, th thus Etot '
Etot, th. For each supernova feedback event, we choose to in-
ject a total magnetic energy of Etot,B = σEtot = 3.3×1048 erg,
implying σ = 6.1× 10−7 for a star cluster particle of initial
mass 3×105 M� (see §2.3). In addition, we set the character-
istic distance scale of the magnetic feedback to be comparable
with the minimum grid size of each run. For our choices of
characteristic scale parameters L and τ for each run, we refer
the readers to Table 1. Lastly, because of numerical consider-
ation, a cutoff distance and time are imposed when imple-
menting the aforementioned U̇B,source and Ḃsource formulae.
We fiducially choose to cut off the exponential functions at
rcutoff = 3L and at tcutoff = 5τ . Since limited numerical resolu-
tion requires that L be much larger than the scale of an actual
supernova remnant, we choose L to be as small as possible,
while remaining smoothly resolved on the grid. In practice,
we find that numerical consistency between the actual mag-
netic energy introduced, and the integral over space and time
of Equation 3, is acceptable when the supernova event oc-
cupies a subset of the computational domain as small as 33

grid cells (see Figure 1). In our resolution comparison runs,
g80LR and g160LR, the injection stencil matches that of the
least-resolved run, g320.

2.5. Initial Condition
Our simulated galaxies are evolved from one of the isolated

disk galaxy initial conditions (ICs) identified by the AGORA
Collaboration (Kim et al. 2014), which strives to compare a
wide range of galaxy simulations by creating a standardized
set of ICs and feedback models. While the details of the pro-
posed AGORA ICs are presented in the aforementioned pa-
per, we summarize the aspect of the isolated ICs that might be
of interest to readers. Note that by adopting isolated galactic
disk ICs, we choose to ignore the effect of major and minor
mergers. Here we already make an implicit assumption that
such inter-galactic-scale dynamical interactions are secondary
in the buildup of the galactic magnetic field.

The AGORA isolated IC was initially generated with the
MAKEDISK code and distributed to the community as ASCII
files in three resolution options. For our study we adopted
the low-resolution version. The disk has a total mass of
Md = 4.297× 1010 M�, 80% of which is in 105 stellar parti-
cles, and the rest 20% (= fgas) is in a gaseous disk that follows
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an analytic exponential profile

ρ(r, z) = ρ0 e−r/rd e−|z|/zd

with scale length rd = 3.432 kpc, scale height zd = 343.2 pc,
and ρ0 = Md fgas/4πr2

dzd. The disk has an initial temperature
of 104 K, and an initial metallicity of Zd,init = 1Z� for the
g320, g160, g160LR, g80, g80LR runs, and 10−3 Z� for the
g160LM run (see Table 1). The stellar bulge of 1.25×104 par-
ticles follows the Hernquist density profile (Hernquist 1990)
with a bulge to disk mass ratio of 0.1. The dark matter
halo has a mass of M200 = 1.074× 1012 M� in 105 particles,
and follows the Navarro-Frenk-White profile (NFW; Navarro
et al. 1997) with concentration parameter c = 10 and spin pa-
rameter λ = 0.04. This system is embedded in hot (106 K)
gaseous medium, uniform in density across the entire simula-
tion box of (1.31 Mpc)3. However the sum of this halo gas
mass is only equal to the disk stellar mass, with zero velocity
and negligible metallicity (10−6 Z�), so it has negligible effect
in the disk’s evolution. This IC models typical structural prop-
erties and gas fraction that are characteristic of Milky Way-
like galaxies at z∼ 1.

3. RESULTS

Here we describe the results of a family of simulated disk
galaxies, evolved using the MHD supernova feedback model
and initial conditions described in §2. Our family of models
is summarized in Table 2.1. It is parameterized around the
mesh spacing (in parsecs) of the finest grid blocks (those on
the galactic plane). For example, in the run g160, the smallest
cells are 160 parsecs in size. The scale L over which super-
nova feedback is active is chosen to be smaller with increas-
ing resolution, such that L is roughly 3 grid cells across in
each model. The composition of the supernova ejecta is given
a metallicity of Z�, with the exception of an additional run,
g160LM, for which the metallicity was chosen to be 10−3Z�.
This choice allows us to rule out the possible influence of
chemistry dependent cooling on the magnetic field evolution.

3.1. Magnetic Field Morphology
The magnetic field in our disk galaxy simulations is illus-

trated in Figure 2. Shown there are density-weighted projec-
tions of magnetic and thermodynamic variables, taken 2.1 Gyr
into the simulation at the highest resolution (model g80LR),
with the disk shown edge-on in the left column, and top-
down in the right. At this time, saturation of the magnetic
energy throughout the disk is complete (see §3.2). Images are
zoomed into the central 35kpc of the simulation. The top row
shows that the magnetic field strength attains levels of several
µG near the disk mid-plane, and within roughly 10kpc of the
galactic center. In that image, we have also plotted stream-
lines of the magnetic field (projected onto the disk plane)
to provide an impression of its overall geometry. From the
top-down image, one sees that the field throughout the disk
is predominantly azimuthal, with the radial field component
BR being significantly lower than Bφ . We believe this indi-
cates that differential rotation of the disk is active at sustain-
ing the field strength around its saturated value. Prevalence
of the azimuthal field is consistent with observations e.g. IC
342, where the magnetic pitch angle is inferred to be relatively
small (Sokoloff et al. 1992). We also note that the azimuthal
field in our simulations changes sign at several radii. Those
reversals imply the presence of magnetic neutral lines, which

FIG. 2.— The edge-on (left) and face-on (right) projections of the mag-
netic field strength (top), density (center), and temperature (bottom) of galaxy
g80LR at t = 2.1 Gyr in 30 kpc boxes. Magnetic field streamlines are plotted
in black over the image of the magnetic field strength.

have been observed in M81 (Krause et al. 1989). The den-
sity profile indicates higher-density spiral arms, which corre-
spond to areas of lower temperature and higher magnetic field
strength.

The left column of Figure 2 illustrates the field morphol-
ogy projected onto the meridional plane. The relative isotropy
of meridional streamlines indicates that vertical and radial
magnetic field components are comparable to one another
(Bz ∼ BR). It is also evident from the relative smoothness of
streamlines that the field is tangled at a smaller scale in the
vicinity of the disk mid-plane than in the halo. Finally, we see
that the halo magnetic field is considerably weaker than the
field around the mid-plane. These observations are consistent
with the view that agitation of the gas by supernovae, together
with differential rotation of the disk, cooperatively maintain
the short wavelength, equipartition-level magnetic field.

In contrast, the field in the halo is seen to be longer wave-
length, and sub-equipartition. The relatively large coherency
scale could be due to inverse transfer effects known to ac-
company turbulent relaxation (Zrake 2014; Brandenburg et al.
2015; Zrake & East 2016), or to mild turbulent driving sup-
plied by the supernova outflows emerging from the disk. We
favor the latter explanation because the halo magnetic field
strength is sub-equipartition with respect to the kinetic en-
ergy density of turbulence, in other words motions driven ex-
ternally are super-Alfvénic, so relaxation effects are not ex-
pected to be dominant here. The relatively large coherence
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scale of the halo magnetic fields is thus thought to arise from
the presence of turbulent motions at a similar scale, which are
in turn driven by the supernova outflows.

It is noteworthy that well-ordered poloidal magnetic field in
galactic halos have been reported by e.g. Reuter et al. (1994),
based on analysis of the cm-wavelength synchrotron rotation
measures of M82, and also by Dahlem et al. (1997), based
on soft X-ray emission from high latitudes in NGC 4666. In
both cases, the authors surmised the field regularity was due
to inertial effects of a galactic wind. While that may be the
case, the halo magnetic field in our simulated galaxies devel-
ops large-scale coherency even though no wind is driven from
the galactic disk.

3.2. Magnetic Field Growth
Our simulated disk galaxies are initialized in a completely

unmagnetized state. The appearance of magnetic fields ac-
companies the first supernova explosions. Those fields are
introduced at a very low level (only one part in ∼ 108 of the
supernova energy is in magnetic form). From there, enhance-
ment of the magnetic field can only occur through some sort
of dynamo action, which we define broadly as any conversion
of kinetic into magnetic energy.

In the first phase of the magnetic field evolution, lasting
roughly the first billion years, each of the galaxy models un-
dergoes exponential growth of their total magnetic energy. In
the top panel of Figure 3, we show the ratio total magnetic
energy inside a 40kpc sphere about the center of the domain
to the total injected magnetic energy from supernova events,
as a function of time. We note that in the first 500 million
years, the total magnetic energy injected by the supernovae
is higher than the total magnetic energy of the galaxy. This
reflects that fact that magnetic energy may be reduced by adi-
abatic expansion or lost due to numerical dissipation, while
net growth of the energy only occurs if dynamo action over-
whelms those processes. We speculate that very early in the
simulation, enhancement is weak because only the gas imme-
diately nearby the supernova feedback sites is magnetized. As
the magnetized gas is dispersed by turbulent mixing, amplifi-
cation can occur rather uniformly throughout the disk. We be-
lieve that net enhancement (exponential growth) of magnetic
energy commences once this initial mixing stage is complete.
The exponential growth of the magnetic field does not fol-
low a single straight-line (in log space) path, but can rather
be divided into several stages of varying exponential growth
rates. Model g320 reaches saturation at 1.5 Gyr, while the
other three models reach saturation after only 1 Gyr.

We believe that exponential growth of the magnetic energy
is best explained by operation of a small-scale turbulent dy-
namo. This process (also known as Kraichnan-Kazenstev dy-
namo (Kraichnan 1968; Kazantsev 1968), see also Branden-
burg & Subramanian (2005); Tobias et al. (2011) for a review)
describes enhancement of a vector field by advection and dif-
fusion in a turbulent medium. Frozen-in advective transport
of a vector field by a chaotic flow generally enhances lengths
along the field lines exponentially in time. When that stretch-
ing effect prevails over resistive diffusion, exponential growth
of the magnetic energy occurs. The time constant corresponds
to the eddy turnover of the inner turbulence scale. Thus, the
process runs to completion in a very short time, which only
gets shorter as the Reynolds number increases. The process
yields a spectral distribution of magnetic energy PB(k) that in-
creases as k3/2 up to the resistive cutoff scale. That is, when
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FIG. 3.— Top panel: The ratio of total magnetic energy of 40 kpc around the
center of the galaxy to the total injected magnetic energy as a function of time.
Middle panel: Proportion of the poloidal component of the magnetic field
to the root-mean-square magnetic field value as a function of time. Bottom
panel: The star formation rate as a function of time.

the magnetic Prandtl number is high (as it is in the interstellar
medium), the early-stage magnetic energy is concentrated be-
low the viscous cutoff scale. In our simulations, the magnetic
Prandtl number ranges from Pm ' 1 in the cold, dense star
forming regions to Pm ' 1025 near the outskirts of the galactic
disk, while the typical Pm for the ambient ISM is around 1013.
Once the small-scale magnetic energy density becomes com-
parable to the small-scale turbulent kinetic energy density, the
Lorentz force begins to modify the turbulence in order to min-
imize further field line stretching, and the process enters a
non-linear stage. Local simulations of the non-linear small-
scale turbulent dynamo indicate that the magnetic energy at-
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FIG. 4.— The density weighted root-mean-square magnetic field strength
as a function of time.

tains scale-by-scale equipartition with the kinetic energy after
a few turnovers of the largest eddies (Beresnyak 2012; Zrake
& MacFadyen 2013; Schober et al. 2015). In the case of a disk
galaxy, the small-scale dynamo completion time τdyn is then
∼ hdisk/veddy where hdisk is the disk scale height and veddy is
the RMS velocity of the eddies at scale hdisk.

The second panel of Figure 3 adds yet another piece of
evidence for the small-scale dynamo explanation. Here we
plot how the strength of the poloidal component of the mag-
netic field as a fraction of the root-mean-square magnetic field
strength varies with time. The poloidal component of the
magnetic field oscillates in strength, and we do not observe
the exponential growth that is predicted for large scale dy-
namo action. We note that although the galactic magnetic
field is dominated by its toroidal component, that strength
is set by the sum of many small-scale, arbitrarily oriented
toroidal field loops.

3.3. Influence of the Star Formation Rate
The third panel of Figure 3 shows the star formation rate

as a function of time for each of the four models. It pro-
vides a valuable complement to the first panel of that fig-
ure by informing us that the majority of star formation took
place within the first billion years of the galaxy’s formation.
We note that the initial star formation rate of model g80LR
is much higher than those of the less-resolved models. The
cause of this is purely numerical. In g80LR, the highest re-
solved grid cell was unable to hold as much mass as those in
the less-resolved runs, which greatly stunted star particle for-
mation. To resolve this issue, we chose to make the minimum
mass required for star particles to be 2.5×105M�. This cor-
rection led to g80LR having roughly twice as many stars as
the g320 and g160LR. The star formation rate continues hav-
ing an influence on the magnetic field strength and topology
even after the field saturates. Bursts of star formation con-
tribute to the formation of bumps in the total-to-injected mag-
netic energy ratio. High star formation is also correlated with
peak strengths of the poloidal magnetic field component. It

is likely that increased turbulence from additional supernovae
temporarily augment the poloidal component of the magnetic
field.

Figure 4 shows the density weighted root-mean-square
value of the magnetic field as a function of time for all of
the simulated model galaxies. All models saturate around 6
µG with the notable exception of models g80 and g80LR.
We believe that bursts of star formation after t = 2.0 Gyr in
model g80LR (see third panel of Figure 3) and after t = 2.5
Gyr in model g80 provide the extra turbulence necessary to
raise the magnetic field strength to roughly 15 µG. We ob-
serve that models with the same minimum resolution share
the same slope in the exponential growth of the magnetic field.
The magnetic field e-folding timescale ranges from 40 Myr to
215 Myr with different model resolutions. This corresponds
to magnetic field growth rates of Γ ' 1Ω− 6Ω assuming a
galactic rotational period of 250 Myr. The magnetic field of
g80 doesn’t reach nG strengths until 1.2 Gyr, which is late
compared to the other models. This is due to numerical dissi-
pation around the small injection site and has no effect on the
slope of the growth rate or the final magnetic field strength.

Recent studies have shown that the Jeans length scale needs
to be resolved by at least 30 cells in order to capture the effect
of the turbulent dynamo (Federrath et al. 2011; Turk et al.
2012). The Jeans length is defined as

λJ =

(
πc2

s

Gρ

)1/2

, (5)

where cs is the sound speed of the gas, G is the gravita-
tional constant, and ρ is the density of the gas. From Figure
2, we estimate that the typical Jeans length in the galactic
disk ranges from ∼ 5 pc for the cold molecular gas to ∼ 3
kpc for the warm ionized medium. Our highest-resolution
models (g80 and g80LR) meet the 30 cell resolution crite-
rion (30×80pc = 2.4 kpc) in the warm phases of the ISM,
while the lower resolution models never achieve sufficient
resolution. Considering that the turbulent warm phase of
the ISM covers a large fraction of the disk volume, we in-
terpret that the magnetic field growth in models g80 and
g80LR is driven by the turbulent dynamo.

3.4. Spectral Distribution of Magnetic and Kinetic Energy
In this section we present power spectra which indicate the

scalewise distribution of magnetic and kinetic energy. We
briefly describe the procedure by which the spectral diagnos-
tics are obtained from simulation data, and then we present
results illustrating their evolution over time. In particular, we
discuss how the spectrum, and its time evolution provides ev-
idence for the operation of small-scale turbulent dynamo.

Power spectra are taken of the magnetic and kinetic energy
per unit mass, which are defined as

PB(ki)=
1

∆ki
∑

ki<|q|<ki+∆ki

bq ·b∗q/2, (6)

PK(ki)=
1

∆ki
∑

ki<|q|<ki+∆ki

vq ·v∗q/2,

where bq and vq are the Fourier amplitudes of the Alfvén
velocity b = B/

√
4πρ and flow velocity v respectively, at

wavenumber q. The sum is over all wavenumbers whose
magnitude lies in the bin of width ∆ki centered at ki. Fourier
amplitudes are obtained using Fast Fourier Transform (FFT)
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FIG. 5.— The time evolution of the magnetic energy power spectrum with
evenly spaced time intervals from t = 300Myr to t = 3Gyr for galaxy model
g80LR at time intervals of 300Myr. The dashed line shows the power spec-
trum of the kinetic energy at t = 3Gyr. The dotted lines provide visual refer-
ences of the Kolmogorov and Kazantsev power laws. These labels correspond
to power laws with those familiar indices, but the data used to create the curve
is kPB(k), which is ∝ ka+1 where a = 3/2 or −5/3.

routines provided by the Numpy module for Python. Since
the simulation is performed using AMR, solution data needs
to be resampled onto a uniform rectilinear mesh before be-
ing passed to the FFT. This latter stage is accomplished using
the YT package to isolate a uniform data cube centered on the
galactic disk. The data cube is sampled at 5123 lattice points
covering (20.6kpc)3.

Figure 5 shows the temporal evolution of the power spec-
trum of the magnetic field energy as a function of the
wavenumber k of the model g80LR. The coloring of the solid
lines denotes the time at which the power spectrum was taken,
starting with the yellow line at 0.3 Gyr, and ending with the
deep blue line at 3.0 Gyr in 0.3 Gyr increments. The dashed
black line represents the power spectrum of the kinetic en-
ergy of g80LR after saturation, at 3.0 Gyr. The two dotted
lines serve as visual aids for the Kazantsev (PB ∝ k3/2) and
Kolmogorov (PK ∝ k−5/3) power laws. General consistency
between the early time magnetic energy spectrum and the
Kazantsev spectrum suggests the magnetic field is being am-
plified by small-scale turbulent dynamo action. The dashed
line in Figure 5 shows the kinetic energy spectrum, which
is consistent with the Kolmogorov spectrum. The peak of
the magnetic spectrum at saturation (k∗ ' 4× 10−2 kpc−1

lies at approximately 10 times the forcing scale, kL. Also
note that the late-time magnetic energy spectrum indicates
that the magnetic field is marginally dominant at the small
scales, and marginally sub-dominant at the large scales. These
features are all consistent with the completion of non-linear
small-scale turbulent dynamo in the saturation regime for high
magnetic Prandtl numbers (Schekochihin et al. 2004; Schober
et al. 2012, 2015). However, the geometry of our thin-disk
galaxies poses a challenge in finding truly isotropic proper-
ties of magnetic and kinetic turbulence. The growth of the
magnetic power spectrum could also be influenced by an ef-
ficient small-scale injection of the magnetic field, which is
transported to larger scales through shear and rotation. With-
out performing control runs, our interpretation of the role of a
turbulent small-scale dynamo remains speculative.

3.5. Metallicity-Magnetic Field Correlations
The left side of Figure 6 shows a 2D histogram of sam-

ples of the density and magnetic field strength throughout the
disk. Each data point is also given a color corresponding to
the cell mass at the sample location. In the right panel, the
same samples are scattered according to their field strength
and metallicity value, and colored according to the mass in
a given cell. Data is shown from the low metallicity model,
g160LM, after it was evolved for 1 Gyr. We choose g160LM
because of its low initial metallicity, which makes it an ex-
cellent candidate to trace the contribution of metals from su-
pernova events. At 1 Gyr, the magnetic field strength is at-
taining its saturated value (the time series data for g160LM
is essentially the same as for g160, shown in Figure 3). The
left panel reveals that the magnetic field is strongest in the
dense regions of the galaxy, where star formation is prevalent.
Meanwhile, the field strength and metallicity are weakest in
the less-dense regions of the galaxy, which are found in the
outskirts of the galactic disk and in the outer halo. From the
right panel, we see that the magnetic field strength correlates
with higher metallicity values. Though we already know su-
pernova ejecta to be our sources of metals, we note that the
magnetic field and high metallicity remain spatially coupled,
even after the supernova events have ended. We note that this
effect depends on the mixing efficiency of the ISM which op-
erates on sub-grid scales and is therefore difficult to simulate
effectively. Nevertheless, this is a distinct prediction made
by the SN seed field / SN-driven dynamo scenario we have
simulated for this study; if the seed field had been supplied
uniformly in the initial condition, no magnetic field strength-
metallicity correlation would be anticipated.

3.6. All-sky Rotation Measure Map
Magnetic fields in simulated galaxies such as the one re-

ported in this article could be compared with actual observed
data. The most detailed such galaxy-scale magnetic field ob-
servation is of our Milky Way galaxy. In this section, we com-
pare our simulation results with Milky Way’s magnetic fields
by constructing an all-sky map of Faraday rotation measures.

When electromagnetic waves travel through a magnetized
interstellar medium, their planes of polarization rotate, and
the amount of rotation is dependent upon the intervening mag-
netic field. Rotation measure (RM), defined below, is pro-
portional to the magnetic field strength parallel to the line of
sight, and the density of thermal electrons.

RM =
e3

2πm2
ec4

∫ L

0
ne(s)B‖(s)ds (7)
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FIG. 6.— The distribution of cell mass as a function of density and magnetic field strength (left panel) and metallicity and magnetic field strength (right panel).
The galaxy model pictured is g160LM after 3 Gyr of evolution. The data was taken from a sphere with a radius of 20 kpc about the center.

FIG. 7.— Angular power spectra of the simulated all-sky Faraday rotation
measure (RM) map. A series of yellow to red solid lines are for the g80LR run
with varying ionization threshold temperatures Tthres = 8000K−13,000K at
∼ 2.4Gyr. The blue solid line is for the Milky Way observation (Oppermann
et al. 2012) whose corresponding all-sky map is reproduced in Figure 11. The
dashed and dot-dashed lines are for g160LR and g320 runs, respectively, with
Tthres = 13,000K. The all-sky maps corresponding to g320, g160LR, g80LR
runs with Tthres = 13,000K are Figures 8, 9, and 10 respectively.

Here ne is the thermal electron number density, me is the mass
of an electron, B‖ is the magnetic field parallel to the line of
sight, and s is the line segment along the line of sight. Below
we start by describing how this RM is evaluated in each lines
of sight and how the all-sky RM map is constructed for our
simulated galaxies.

In order to calculate RM, one first needs to estimate the
number density of thermal electrons. Since we do not explic-
itly trace electron species in our simulations but only follow
total gas density ρgas, we choose to use the specific thermal
energy of gas (per unit mass), Eth, to estimate the ionization
fraction χ(Eth) of hydrogen atoms, and then the thermal elec-
tron density ne in each cell as

ne =
ρgasχ(Eth)

mH
(8)

where mH is the mass of a hydrogen atom.

If we assume that hydrogen becomes instantaneously fully
ionized at temperature T = Tthres, one can show that the ion-
ization fraction is related to Eth as

χ(µeff(Eth)) =


0 for µeff ≥ µmax

4
3µeff
− 13

12 for µmin ≤ µeff ≤ µmax

1 for µeff ≤ µmin
(9)

with an effective mean molecular weight function defined as

µeff(Eth) =
3
2

NAkBTthres

Eth
, (10)

where NA is the Avogadro number, and kB the Boltzmann
constant. Here, if all hydrogen atoms are neutral, the mean
molecular weight is µmax ' 1/(0.25/4 + 0.75/1) = 1.23,
whereas if all hydrogen atoms are ionized, the mean molec-
ular weight is µmin ' 1/(0.25/4+ 0.75/1× 2) = 0.64. Note
that the only free parameter in our formulation Eq.(9) is Tthres,
which should be ∼ 104 K.

With Eqs.(8) to (10), one can evaluate the thermal electron
density ne from the specific thermal energy Eth. We then inte-
grate ne(s)B‖(s) along the line of sight as in Eq.(7) to acquire
the rotation measure, then to produce an all-sky map like Fig-
ures 8 to 10. But first, in Figure 7, we plot the angular power
spectra of all-sky RM maps for the g80LR run with 4 differ-
ent ionization threshold temperatures ranging Tthres = 8000K
to 13,000K (yellow to red solid lines), in order to demon-
strate how sensitive an RM map is to our choice of Tthres. This
figure is for t ∼ 2.4Gyr, well after galactic magnetic fields
have reached nominal equilibrium values (see Figure 3). RM
is proportional to thermal electron density, and we find that
RM is highly sensitive to our understanding of how gas is
ionized which is only crudely parametrized by Tthres in our
model, Eq.(9). This illustrates the need to carefully charac-
terize the ionization states of intervening medium to correctly
understand the galactic magnetic field, which however is be-
yond the scope of this study. For the purpose of the current
article, we opt to simply utilize the fact that Tthres = 13,000K
best matches the observed Milky Way power spectrum assem-
bled by Oppermann et al. (2012), shown here as a blue solid
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FIG. 8.— All-sky RM map for the g320 run at ∼ 2.4Gyr with Tthres =
13,000K and an origin 8 kpc away from the center of the galaxy. The angular
power spectrum of this map is shown in Figure 7.

FIG. 9.— All-sky RM map for the g160LR run at ∼ 2.4Gyr with Tthres =
13,000K and an origin 8 kpc away from the center of the galaxy. The angular
power spectrum of this map is shown in Figure 7.

FIG. 10.— All-sky RM map for the g80LR run at ∼ 2.4Gyr with Tthres =
13,000K and an origin 8 kpc away from the center of the galaxy. The angular
power spectrum of this map is shown in Figure 7.

line. Therefore, we adopt Tthres = 13,000K for subsequent
figures and discussion hereafter. Also in Figure 7, the power
spectra for g160LR and g320 runs are plotted for comparison
with Tthres = 13,000K.

To construct simulated all-sky RM maps that mimic Op-
permann et al. (2012), we position an observer at an ap-
proximate location of the Sun in our Milky Way: on the

FIG. 11.— All-sky RM map for the Milky Way galaxy, recreated from
Oppermann et al. (2012). The angular power spectrum of this map is shown
in Figure 7.

galactic disk plane about 8 kpc away from the Galactic Cen-
ter. For this purpose, we first identify the location of high-
est density peak, (x∗, y∗, z∗), and define z = z∗ as the galac-
tic disk plane. The origin (center) of the RM maps is then
set on this plane, approximately 8 kpc from the galactic
center in x-axis.2 By employing the HEALPIX pixelisation
scheme (Górski et al. 2005), Figures 8 to 10 display the re-
sulting all-sky RM maps at ∼ 2.4Gyr for g320, g160LR and
g80LR runs, respectively, with the ionization threshold tem-
perature Tthres = 13,000K. All these maps have the same
angular resolution (i.e. HEALPIX parameter Nside = 128)
that matches the observed Milky Way map in Figure 11.
This Figure 11 is recreated from Oppermann et al. (2012)
for comparison, using the raw data publicly available at
http://wwwmpa.mpa-garching.mpg.de/ift/faraday.

Readers should be cautioned that the our RM maps and
the corresponding power spectra are made for one particu-
lar snapshot (∼ 2.4Gyr) of a greatly idealized disk galaxy,
centered at an almost arbitrary location (∼ 8 kpc from the
galactic center in x-axis). Yet, several similarities are already
noticeable between simulated and observed maps, such as the
prominent magnetic field structure in disks, the existence of
coherent large-scale field directions, and numerous smaller-
scale structures possibly associated with turbulent small-scale
eddies. The resemblance is the strongest for the g80LR run
that has the smallest spatial resolution in our simulation suite.
In particular, for the g80LR run, the spectral distribution of
power in the multipole l-space is remarkably similar to the ob-
served RM map, — albeit with a tuned Tthres value —, as can
be seen in the angular power spectra of Figure 7. The model
deviates from observations in the outer galaxy, where there
is a lack of RM signal, both in strength and structure. This
can be the result of several different factors. The first possi-
bility is that the resolution of the grid decreases away from
the galactic disk, which would wash out small-scale struc-
ture. The second is that the strength of the magnetic field
outside of the galaxy is very weak along the plane of the disk
because the magnetic field is ejected primarily through jets
along the axis normal to the face of the disk. Since our snap-
shot is taken after 2.4 Gyr, there may not have been enough

2 This translates into (0.494, 0.5, z∗) in [0, 1] coordinates. The galactic
center is initially placed at (0.5, 0.5, 0.5), but as the simulation progresses
it may shift to another location with minor offsets varying in different runs.
This is why an extra step is needed to first accurately determine the galactic
disk plane.
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time for the surrounding medium to gain enough magnetic
strength. Finally, our approximation of the ionization fraction
neglects photoionization processes which would lead us to un-
derpredict the RM signal in hot, low-density regions. Despite
a highly idealized set-up, we conclude that our simulations
reproduce an RM map and power spectrum that are close in
shape to Milky Way’s — especially for a run with the finest
resolution available.

4. DISCUSSION

4.1. Comparison With Other Computational Approaches
Our approach is similar in certain ways to that taken by

other groups. Hanasz et al. (2009) have also performed global
disk galaxy simulations with magnetic fields introduced by
supernovae. Whereas we used a toroidal magnetic configu-
ration for the magnetic source term, they used randomly ori-
ented magnetic dipoles. Their focus was on the role of cosmic
rays in driving the galactic dynamo, so instead of introducing
thermal energy as we did in our feedback prescription, they
included a cosmic ray fluid that is sourced in the vicinity of
supernova explosions. In their approach, only 10% of super-
nova events included a magnetic field. The same approach
was adopted in Kulpa-Dybeł et al. (2011, 2015) to simulate
dynamo activity in barred spiral galaxies, and by Siejkowski
et al. (2014) to study dwarf galaxies. Beck et al. (2013) also
utilized a magnetic dipole configuration as supernova source
terms. Their simulations were carried out using an MHD
version of the smoothed particle hydrodynamics (SPH) code
GADGET, and were focused on magnetic evolution in a pro-
togalactic halo instead of a disk galaxy. Wang & Abel (2009);
Rieder & Teyssier (2016) carried out global disk galaxy simu-
lations of a dynamo driven by hydrodynamic stellar feedback.
In those studies a large-scale magnetic field was imposed on
the initial model, rather than being seeded by the supernovae
themselves. All studies appear to be in agreement regarding
the saturation time-scale for turbulent dynamo.

4.2. Large Scale Magnetic Field
Throughout the course of our simulations, the magnetic

field develops long-range structure. This behavior is some-
what surprising, given that small-scale turbulent dynamo,
which we believe to be the driving mechanism, is not known
to excite magnetic field modes of longer wavelength than
that of the energy-containing turbulent eddies (. hdisk). This
could suggests that something akin to a mean-field dynamo
(e.g. α−Ω) may be in effect. To determine whether that is the
case, one could, in principle, measure the velocity-vorticity
correlation from the simulation data to see if it has sufficient
amplitude to explain the strength of the long wavelength mag-
netic field. Such a diagnostic could be a computational test of
the arguments developed by Kulsrud & Anderson (1992), who
pointed out that mean-field dynamo (which is a linear theory)
may be quenched by back-reaction of the field, even at ampli-
tudes well below equipartition.

Nevertheless, there are other mechanisms that may be re-
sponsible for the large-scale magnetic field structure seen in
our simulations. As we saw in Section §3.5, the field strength
is correlated with gas density. This suggests that the field en-
hancements could simply be tied to the density structure of the
disk, which itself contains a long-wavelength component aris-
ing from self-gravitating effects. Another possibility is that
the long-range field is simply the result of relaxation in re-
gions where star formation is less active. There are at least

two facts to support this view. First, it has been established
observationally that the magnetic field of star-forming galax-
ies is generally stronger and more scrambled than in late-type
galaxies (Chyży et al. 2007). Secondly, the condition for mag-
netic fields to exhibit self-assembly (inverse energy transfer)
during turbulent relaxation turns out to be weaker than was
previously believed. Although the presence of net magnetic
helicity is known to be sufficient for inverse transfer to occur
during relaxation (Frisch et al. 1975; Alexakis et al. 2006), it
is now understood that is not a necessary condition; magnetic
coherency increases due to statistical merging of locally re-
laxed magnetic structures even in non-helical field configura-
tions (Zrake 2014; Brandenburg et al. 2015). Thus, the devel-
opment of large-scale structure, at least within regions of the
disk where turbulence is not actively driven, should be antici-
pated even if the net helicity is negligible; it is unnecessary to
invoke possible mechanisms by which magnetic helicity may
be expelled from the disk (e.g. Sur et al. 2007).

4.3. Appearance of the Earliest Galactic Magnetic Fields
In the scenario we have simulated here, magnetic fields

are first introduced alongside the first supernovae, which in
our simulation occur in a fully formed, yet unmagnetized
Milky Way type disk galaxy. This is not historically accurate,
since the first stars and supernovae occurred at a much earlier
epoch. Thus, our study should be interpreted as a proof of
principle, that active star formation maintains galactic mag-
netic fields around equipartition levels. Since that star for-
mation begins at an epoch preceding the disk galaxy phase
we simulated here, a realistic narrative is that the protogalax-
ies that accreted to form the Milky Way were probably mag-
netized according to their level of star formation, and so the
galactic disk inherited its first magnetic field from its progen-
itors. If agitation by supernova feedback were to terminate,
then the magnetic field would relax and dissipate over the
same time scale (the disk scale-height eddy turnover time) as
it was built up. So, the strength and morphology of the mag-
netic field we observe in the evolved disk galaxy is arguably
insensitive to initial conditions; had we begun the simulation
with a disk magnetized at equipartition, supernova feedback
would be expected to maintain it.

4.4. Role of Cosmic Rays
Our simulations use a stellar feedback prescription in which

thermal energy and (small amounts of) magnetic energy are
supplied by supernova explosions, but cosmic rays (CR’s) are
not included. Interest in the role of CR’s in driving a galactic
dynamo goes back to Parker (1992), who pointed out that their
buoyancy can lead to stretching of the field which enhances its
long-wavelength component. Several numerical studies have
now been conducted (Hanasz et al. 2009; Siejkowski et al.
2014; Kulpa-Dybeł et al. 2011, 2015) that include CR effects
coupled with MHD cosmological simulation. Overall, the re-
sults are surprisingly similar to our own; magnetic fields reach
equipartition levels over Gyr-time scales. This raises the ques-
tion of the relative importance of the two primary types of
energy supplied by supernovae — turbulence driven by the
thermal expansion of the remnants themselves, and energy re-
leased as CR’s — since either by itself appears to be sufficient.

5. CONCLUSION

The existence of galactic magnetic fields is a significant
puzzle in astrophysics and cosmology. In this paper, we have
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shown how those fields could have reached their present-
day strength and morphology by stellar feedback processes
alone. Weakly magnetized plasma is introduced to the galac-
tic medium by stellar winds and supernova explosions, and
the magnetic field is subsequently amplified by turbulence,
driven by those same outflows. We carried out simulations of
an isolated Milky Way type disk galaxy, that was initiated in
an unmagnetized state. The galaxy was then evolved through
an epoch of star formation and associated magnetohydrody-
namic (MHD) feedback. Our simulations were continued
through 3Gyr, at which time µG-level magnetic fields were
seen throughout much of the disk. Analysis of the time series
and power spectrum of the magnetic field supports a picture
in which small-scale turbulent dynamo, with turbulence sus-
tained by supernova feedback, is the primary means by which
the field reaches dynamically relevant strengths. The pres-
ence of differential rotation keeps the field marginally dom-
inated by its toroidal component. In the scenario we have
studied here, magnetic fields are injected in metal-rich super-
nova ejecta. Our simulations predict that a correlation be-
tween magnetization and metallicity should persist through-
out galaxy’s evolution, and we argue that correlation is a
distinct signature of a galactic dynamo seeded by supernova
feedback. Finally, we presented synthetic all-sky maps of the
Faraday rotation measure, as it would appear from Earth’s lo-
cation relative to the galactic center. The angular power spec-
trum is found to match well to observations when the plasma
ionization threshold temperature is chosen to be 13,000K.

In this work, we have also described a novel computational
technique for simulating MHD supernova feedback processes.
The simulation initial data we used is publicly available as

part of the AGORA project. The initial model was evolved us-
ing the MHD version of the ENZO cosmological framework.
We used the stellar formation algorithms that exist in the pub-
lic version of that code, but modified the feedback prescrip-
tion to include a magnetic field source term. The source term
is chosen to inject a small fraction of the supernova energy as
toroidal magnetic field, oriented relative to a randomly cho-
sen vertical axis for each supernova event. The amplification
and distribution of magnetic field in the evolved disk galax-
ies was found to be insensitive to the chosen injection radius
or the initial metallicity of the ambient medium. Instead, the
saturated field strength appears to be controlled by the level
of turbulence sustained by stellar feedback. We also exam-
ined the influence of the magnetic field injection footprint
size. Since resolution fine enough to resolve∼ pc-scale super-
nova remnants remains computationally prohibitive, we ran a
family of models with increasing resolution, and decreasing
footprint size, between 320pc and 80pc. The footprint size
appears not to influence the outcome, suggesting that our con-
clusions would not change significantly if the injection scale
was somehow reduced to astrophysically realistic values.
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Chyży, K. T., Bomans, D. J., Krause, M., et al. 2007, Astronomy and

Astrophysics, 462, 933
Collins, D. C., Xu, H., Norman, M. L., Li, H., & Li, S. 2010, ApJS, 186, 308
Dahlem, M., Petr, M. G., Lehnert, M. D., Heckman, T. M., & Ehle, M. 1997,

Astronomy and Astrophysics, 320
Dedner, A., Kemm, F., Kröner, D., et al. 2002, Journal of Computational

Physics, 175, 645
Dubois, Y., & Teyssier, R. 2010, A&A, 523, A72
Elstner, D., Beck, R., & Gressel, O. 2014, Astronomy & Astrophysics, 568,

A104
Federrath, C. 2015, Monthly Notices of the Royal Astronomical Society,

450, 4035
Federrath, C., & Klessen, R. S. 2012, The Astrophysical Journal, 761, 156
—. 2013, The Astrophysical Journal, 763, 51
Federrath, C., Sur, S., Schleicher, D. R. G., Banerjee, R., & Klessen, R. S.

2011, ApJ, 731, 62
Ferland, G. J., Porter, R. L., van Hoof, P. A. M., et al. 2013, 49, 137
Frisch, U., Pouquet, A., Leorat, J., & Mazure, A. 1975, Journal of Fluid

Mechanics, 68, 769
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